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ABSTRACT
Recent observations of globular clusters (GCs) provide evidence that the stellar initial mass function (IMF) may
not be universal, suggesting specifically that the IMF grows increasingly top-heavy with decreasing metallicity
and increasing gas density. Non-canonical IMFs can greatly affect the evolution of GCs, mainly because the
high end determines how many black holes (BHs) form. Here we compute a new set of GC models, varying
the IMF within observational uncertainties. We find that GCs with top-heavy IMFs lose most of their mass
within a few Gyr through stellar winds and tidal stripping. Heating of the cluster through BH mass segregation
greatly enhances this process. We show that, as they approach complete dissolution, GCs with top-heavy IMFs
can evolve into ‘dark clusters’ consisting of mostly BHs by mass. In addition to producing more BHs, GCs
with top-heavy IMFs also produce many more binary BH (BBH) mergers. Even though these clusters are
short-lived, mergers of ejected BBHs continue at a rate comparable to, or greater than, what is found for long-
lived GCs with canonical IMFs. Therefore these clusters, although they are no longer visible today, could still
contribute significantly to the local BBH merger rate detectable by LIGO/Virgo, especially for sources with
higher component masses well into the BH mass gap. We also report that one of our GC models with a top-
heavy IMF produces dozens of intermediate-mass black holes (IMBHs) with masses M > 100M�, including
one with M > 500M�. Ultimately, additional gravitational wave observations will provide strong constraints
on the stellar IMF in old GCs and the formation of IMBHs at high redshift.

1. INTRODUCTION
Among the densest environments in the Universe, globu-

lar clusters (GCs) are ideal laboratories to investigate the im-
portance of stellar dynamics in forming and evolving com-
pact objects and compact binaries (see, e.g., Heggie & Hut
2003). Frequent dynamical encounters between cluster mem-
bers are fundamental in creating and explaining the existence
of a number of exotic populations, such as X-ray binaries
(e.g., Clark 1975; Verbunt et al. 1984; Giesler et al. 2018;
Kremer et al. 2018), radio pulsars (e.g., Lyne et al. 1987; Sig-
urdsson & Phinney 1995; Ivanova et al. 2008; Ye et al. 2019),
and gravitational wave (GW) sources (e.g., Rodriguez et al.
2015; Askar et al. 2017; Banerjee 2017; Fragione & Kocsis
2018; Kremer et al. 2019).

Many results of GC modeling rely on the assumption that
the stellar initial mass function (IMF) has the form of a canon-
ical Kroupa (2001) IMF. Observations, however, suggest the
IMF may not be universal. For example, Milky Way GCs with
low central densities appear deficient in low-mass stars (De
Marchi et al. 2007), while GCs in the Andromeda galaxy ex-
hibit a trend between metallicity and mass-to-light ratio that
only a non-canonical, top-heavy IMF could explain (Haghi
et al. 2017). Ultra-compact dwarf galaxies have large dy-
namical mass-to-light ratios and appear to contain an over-
abundance of LMXB sources (Dabringhausen et al. 2009).
Our Galactic center provides an extreme example of a non-
canonical IMF; stars formed there in the past few Myr have
masses consistent with a top-heavy mass function (Bartko
et al. 2010). All these observations can be explained if the
stellar IMF becomes increasingly top-heavy with decreasing

metallicity and increasing gas density of the pre-GC cloud
(Marks et al. 2012). This is theoretically expected given
the Jeans mass instability in molecular clouds (Larson 1998)
and self-regulation of accretion onto forming stars (Adams &
Fatuzzo 1996; Adams & Laughlin 1996). Metallicity plays a
decisive role by regulating line-emission cooling in the col-
lapsing gas cloud and radiation pressure against stellar accre-
tion (De Marchi et al. 2017).

The IMF has long been known to strongly impact the dy-
namical evolution and survival of GCs. Already Chernoff &
Weinberg (1990) found enhanced mass loss rates in cluster
models with flatter IMFs, due to increased winds from high-
mass stars and faster halo expansion and evaporation. More
recent results show that GC models with top-heavy IMFs dis-
solve much faster than models with canonical IMFs (Chatter-
jee et al. 2017; Giersz et al. 2019). In particular, clusters with
top-heavy IMFs produce more numerous and more massive
black holes (BHs). Crucially, this promotes the BH-burning
process, in which strong dynamical encounters with BHs pro-
vide energy to stellar populations, inflating the cluster halo
(Mackey et al. 2007, 2008; Breen & Heggie 2013; Kremer
et al. 2020a). Taken to an extreme by a top-heavy IMF, this
mechanism will force rapid and unstable evaporation through
the tidal boundary and early cluster dissolution (Giersz et al.
2019).

The impact on cluster evolution of varying BH abundance
has recently been further analyzed via a combination of ana-
lytical calculations and N-body simulations (Breen & Heggie
2013; Wang 2020). However, these studies only consider ide-
alized star clusters with two components (stars and BHs) and
no stellar evolution, which plays a crucial role in cluster dis-

ar
X

iv
:2

10
1.

02
21

7v
1 

 [
as

tr
o-

ph
.G

A
] 

 6
 J

an
 2

02
1

https://orcid.org/0000-0002-9660-9085
https://orcid.org/0000-0002-7330-027X
https://orcid.org/0000-0002-4086-3180
https://orcid.org/0000-0002-3680-2684
https://orcid.org/0000-0001-9582-881X
https://orcid.org/0000-0003-4175-8881
https://orcid.org/0000-0003-4175-8881
https://orcid.org/0000-0002-7132-418X


2

ruption (e.g., Chernoff & Weinberg 1990). Apart from the
few models with non-canonical IMFs examined by Chatterjee
et al. (2017) and Giersz et al. (2019), there is no systematic
study of the IMF’s influence on BH populations generated via
stellar evolution. In this Letter, we extend the grid of clus-
ter models in the CMC Cluster Catalog (Kremer et al.
2020b), focusing on the role of a varying IMF. In particu-
lar, we study how non-canonical IMFs shape the evolution of
GCs, their BH populations, and the number of dynamically
produced BBH mergers.

The Letter is organized as follows. In Section 2, we de-
scribe the parameters of the numerical models we evolve. In
Section 3, we analyze the structural evolution of clusters and
describe the properties of their black hole populations, includ-
ing BBH mergers. Finally, in Section 4, we discuss the impli-
cations of our findings and lay out our conclusions.

2. CLUSTER MODELS
To evolve our cluster models, we use CMC (Cluster Monte

Carlo), a Hénon-type Monte Carlo code that includes the
newest prescriptions for wind-driven mass loss, compact ob-
ject formation, and pulsational-pair instabilities (see Hénon
1971a,b; Joshi et al. 2000, 2001; Fregeau et al. 2003; Chat-
terjee et al. 2010, 2013; Pattabiraman et al. 2013; Rodriguez
et al. 2015; Kremer et al. 2020b, and references therein).

We generate 15 independent cluster simulations varying the
initial number of particles (single stars plus binaries) Ni and
initial total mass Mi, with uniform initial cluster virial radius
(rv = 1pc), metallicity (Z = 0.1Z�), and Galactocentric dis-
tance1 (Rgc = 8kpc). These choices of rv, Rgc, and Z are known
to result in models that closely match typical Milky Way GCs
when using a canonical IMF (Kremer et al. 2020b).

We assume that all models are initially described by a King
profile with concentration W0 = 5 (King 1962). Primary stellar
masses are sampled from the Kroupa (2001) multi-component
power-law IMF,

ξ(m)∝


m−1.3 0.08≤ m/M� ≤ 0.5
m−2.3 0.5≤ m/M� ≤ 1.0
m−α3 1.0≤ m/M� ≤ 150.0 .

(1)

We choose three different values for α3 = (1.6,2.3,3.0), corre-
sponding to the 95% confidence interval around the canonical
value, α3 = 2.3 (Kroupa 2001). We fix the primordial stellar
binary fraction to fb = 5% and draw secondary masses from a
uniform distribution in mass ratio (e.g., Duquennoy & Mayor
1991). Binary orbital periods are sampled from a log-uniform
distribution, with orbital separations ranging from near con-
tact to the hard/soft boundary, while binary eccentricities are
thermal (e.g., Heggie 1975). For details on stellar evolution in
CMC, see Kremer et al. (2020b). We compute GW recoil kicks
for BH merger products following the methods described in
Rodriguez et al. (2019) and references therein. We assume
all BHs have zero natal spin while BH merger products are
assigned new spins of ∼ 0.7 (e.g., Berti et al. 2007; Tichy &
Marronetti 2008; Lousto et al. 2010), which are then taken
into account if they merge again.

Table 1 summarizes the model parameters considered in
our work. Each simulation evolves to a final time TH ≈ 14
Gyr, unless the cluster disrupts. In these cases, which oc-
cur only for our models with α3 = 1.6, simulation terminates
once there are fewer than 300 particles per CPU, the default

1 Assuming a Milky Way-like potential (e.g., Dehnen & Binney 1998).

particle count used to compute local densities throughout the
cluster. This typically corresponds to a few×104 stars in the
GC, beyond the point where the assumptions of the Monte
Carlo method – namely spherical symmetry and a relaxation
timescale longer than the dynamical timescale – start to break
down (Chatterjee et al. 2017). However, the exact cut-off
point in the simulation does not affect the general evolutionary
trends of the dissolution process. Further accurate evolution
of the remaining ‘dark star cluster’ would require a switch to
direct N-body methods (e.g., Banerjee & Kroupa 2011).

3. RESULTS
In this Section, we discuss how different IMFs affect the

evolution of the cluster mass, size, and BH population. We do
not find significant qualitative differences between the cases
where we keep the initial number of particles constant (mod-
els 1-3, 7-9, and 10-12 in Table 1) or the initial total mass
constant (models 4-9 and 13-15).

3.1. Cluster evolution
Variations in the high end of the IMF can dramatically af-

fect cluster evolution and survival, especially by setting the
number of BHs that are formed and retained, determining
the degree to which BH-burning regulates the cluster’s en-
ergy reservoir (Chatterjee et al. 2017). In this process, BHs
quickly mass-segregate into the cluster core on a sub-Gyr
timescale, forming a central BH population that undergoes
frequent phases of core collapse and re-expansion (Morscher
et al. 2015). During these events, the BHs mix with the rest
of the cluster and provide energy to passing stars in scatter-
ing interactions (Breen & Heggie 2013). Cumulatively, these
interactions inflate the cluster halo and force faster evapora-
tion through the tidal boundary (Chatterjee et al. 2017; Giersz
et al. 2019; Wang 2020).

In Figure 1, we show the evolution of the total mass (top-
left panel) for star clusters with different Ni and α3. Clusters
evolve very differently depending on the choice of α3. The
models with α3 = 2.3 and 3 survive until TH, while the models
with α3 = 1.6 appear to disrupt at about t ∼ 1 Gyr with faster
disruption occurring for smaller Ni. 2 The different fates of
the cluster models are understandable given the mechanisms
that power cluster mass loss at different epochs:

1. Initially, mass is lost primarily via stellar winds from
massive stars (e.g., Chernoff & Weinberg 1990). This
relatively quiet first phase is visible early in the top-left
panel of Figure 1, terminating around t ≈ 3 Myr.

2. The second phase of mass loss, extending from
3 Myr . t . 60 Myr, is driven primarily by Type II su-
pernovae (SNe) accompanying compact object forma-
tion. This phase most clearly depends on the choice
of α3. For α3 = 3, SNe-driven mass loss from few mas-
sive stars is negligible compared to ongoing stellar wind
mass loss among the far more numerous low-mass stars.
For α3 = 1.6, however, the SNe-driven mass loss phase
is nearly catastrophic, causing the cluster to lose close
to half its original mass by the time compact object for-
mation slows (t ≈ 60 Myr). Ejections of lighter com-
pact objects due to natal kicks also contribute to mass

2 While these models may not survive with significant mass beyond a few
Gyr, models with larger Ni, larger Galactocentric distance, and/or smaller
virial radius could feasibly survive much longer.
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Table 1
Model initial conditions and data on cumulative BH formation and BBH mergers from 0 ≤ t ≤ 13 Gyr; upper-IMF slope α3, initial number of particles Ni,

initial mass Mi, total BHs formed NBH, total BBH mergers N(merg)
BBH , ejected BBH mergers N(merg)

BBH,ejected, BBH mergers with a ‘mass-gap’ BH component

(MBH > 40.5M�) formed via stellar collisions N(merg)
BBH,gap,coll, multiple-generation BBH mergers with a mass-gap BH component N(merg)

BBH,gap,2G+
, and total BBH

mergers at redshifts z < 1, N(merg)
BBH (z < 1), assuming that all GCs were born 13 Gyr ago. Note that the BBH merger totals in the last 5 columns for models 1-6 are

all lower limits since we do not consider mergers resulting from dynamics in ‘dark clusters’ (see Section 3.3).

BBH mergers
α3 Ni (105) Mi (105 M�) NBH N(merg)

BBH N(merg)
BBH,ejected N(merg)

BBH,gap,coll N(merg)
BBH,gap,2G+

N(merg)
BBH (z < 1)

1 1.6 4 8.5 11263 95 58 1 7 7
2 1.6 8 17.0 22539 222 132 7 26 19
3 1.6 16 34.2 45358 434 195 32 83 14
4 1.6 1.1 2.4 3224 20 15 0 2 0
5 1.6 2.3 4.8 6319 57 42 1 3 5
6 1.6 4.5 9.6 12764 111 73 5 10 11
7 2.3 4 2.4 1114 38 17 1 3 5
8 2.3 8 4.8 2252 91 36 0 9 13
9 2.3 16 9.7 4518 233 106 1 23 42
10 3.0 4 1.6 113 6 0 0 1 0
11 3.0 8 3.3 247 9 3 0 1 2
12 3.0 16 6.6 499 32 6 1 2 1
13 3.0 5.9 2.4 188 9 1 0 1 0
14 3.0 11.8 4.8 341 28 3 1 1 2
15 3.0 23.6 9.7 744 71 9 2 5 7

Figure 1. Evolution of the total mass (top-left), half-mass radius rh (bottom-left), number of BHs NBH (top-right), and fractional number of BHs NBH/N
(bottom-right) for cluster models with different values of α3 (blue 1.6, black 2.3, red 3.0). Different line styles represent different initial number of particles
(dotted 4×105, dashed 8×105, solid 1.6×106). The simulations terminate at TH = 14 Gyr, except for α3 = 1.6, where we cut off the plot just before rh starts to
drop sharply (around this point, assumptions in our Monte Carlo methods stop being valid; see text). In the top-left panel, the four mass loss phases discussed in
the text are highlighted via shaded intervals and the dominant mass loss mechanisms indicated. The bifurcation of the third phase is due to decreased duration of
this phase for α3 = 1.6.
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loss in this phase starting at t ≈ 6 Myr, causing a plateau
in NBH (top-right panel).

3. A ‘third phase’ of mass loss begins at the end of rapid
compact object formation. Really just a return of the
first phase, this period of mass loss is once again domi-
nated by stellar winds, this time from lower-mass stars.
For the models where α3 = 2.3 or 3, stellar winds con-
tinue to account for most of the mass loss until about
6 Gyr. The wind-dominated mass loss phase ends much
earlier for the α3 = 1.6 models – around t ≈ 200 Myr.

4. The fourth and final phase of mass loss is driven by
evaporation through the tidal boundary. This phase
depends strongly on the IMF due to its influence on
the number of BHs formed, and thereby the degree to
which BH-burning inflates the halo. In the case of ex-
treme BH-burning, the cluster quickly expands to fill
its Roche lobe within the assumed Galactic potential
and starts to tidally disrupt, as seen in the models with
α3 = 1.6. Note that similar accelerating mass loss is also
seen at late times in the models with α3 = 3. In these
models, however, the runaway process of halo evapora-
tion and tidal contraction is not stimulated by extreme
BH-burning. Instead, these top-light, low-mass models
simply start out with much smaller tidal radii. Hence
they see significant evaporation rates relatively quickly
compared to canonical models (α3 = 2.3), despite form-
ing far fewer BHs.

The evolution of the half-mass radius rh (bottom-left panel,
Figure 1) also reflects this general picture. In all models, rh
expands as a consequence of stellar mass loss. Enhanced BH-
burning in models with α3 = 1.6 drives faster cluster expan-
sion such that these models overflow their Roche lobes after a
few hundred Myr. Due to more energetic BH-burning, these
clusters lose about 80% of their mass by t ∼ 1 Gyr. Mod-
els with α3 = 3 do not exhibit rapid expansion, evolving more
gradually as a result of reduced massive star formation and
the lack of a significant central BH population.

3.2. Black hole population
In the top-right panel of Figure 1, we show the evolution

of the number of BHs NBH. Clusters with top-heavy IMFs
produce more high-mass stars and thereby more BHs. As de-
scribed above, natal kicks start to eject newly-formed BHs
after t ≈ 6 Myr, causing NBH to plateau for each model. At
this point, we find that NBH in models with α3 = 1.6 is ∼ 10
times higher than in models with α3 = 2.3 and ∼ 100 times
higher than in models with α3 = 3 (see also the cumulative
number of BHs formed in column 4 of Table 1). During this
phase of roughly constant NBH, dynamical friction causes BHs
to segregate to the cluster center. This phase’s duration de-
pends on α3 since clusters with top-heavy IMFs have higher
average stellar mass and correspondingly longer segregation
timescales. Once the BHs have segregated to the core, they
are gradually ejected via strong dynamical encounters.

In the bottom-right panel of Figure 1, we also show the evo-
lution of the fractional number of BHs NBH/N. In models
with α3 = 2.3 or 3, NBH/N decreases in time as strong en-
counters preferentially eject massive objects (e.g., BHs) from
the cluster core. In models with α3 = 1.6, however, NBH/N
increases in time due to earlier tidal evaporation. By the mo-
ment these clusters retain only ∼ 20% of their original mass,

Figure 2. Evolution of the number of binary black holes NBBH bound to the
star clusters with different values of α3 (blue 1.6, black 2.3, red 3.0) and dif-
ferent initial number of particles (Ni). Different line styles represent different
Ni, as in Figure 1. Since BBHs continuously form and disrupt in central scat-
tering interactions, we apply a rolling average over every 104 time-steps to
smooth the curves at low NBBH.

NBH/N ≈ 3–4%, corresponding to a significant fraction of
cluster mass (up to 75% by the time rh peaks). Note that the
number and mass fraction of BHs at late times depends on
the cluster dissolution process beyond this point, which our
Monte Carlo methods are not designed to address. It is nev-
ertheless clear that clusters with top-heavy IMFs can evolve
through a ‘dark cluster’ stage during which their total mass is
dominated by BHs (e.g., Banerjee & Kroupa 2011).

Regardless of age, individual BHs are only directly de-
tectable if they reside in binaries, either via detection of GWs
from BBH mergers or through the presence of non-BH (nBH)
companions. While dense star clusters are expected to be effi-
cient factories of BBH and BH–nBH binaries, their numbers
typically remain small as their dynamical assembly competes
with their disruption and ejection (e.g., Downing et al. 2010,
2011; Morscher et al. 2015; Kremer et al. 2018). However,
the choice of IMF greatly impacts BH binary formation.

In Figure 2, we plot the evolution of the number of BBHs
NBBH. Clusters with top-heavy IMFs produce more BBHs
via enhanced formation of high-mass stars and BHs. NBBH
plateaus a little later than NBH (top-right panel, Figure 1), a de-
lay reflecting the dynamical assembly of BBHs. An equilib-
rium between NBBH and NBH is apparent during this plateau,
with of order one BBH for every 100 bound BHs in the clus-
ter. Subsequently, NBBH decreases more rapidly for clusters
with higher NBH, as evident by the slope past the plateau.
This is unsurprising since BH-burning, enhanced for clusters
with higher NBH, is characterized by periodic collapse and re-
expansion of the central BH population, a process that dis-
rupts and ejects many BBHs (Morscher et al. 2015; Chatterjee
et al. 2017).

3.3. BBH merger rates
We report in Table 1, column 5, the cumulative numbers

of BBH mergers N(merg)
BBH in each model through 13 Gyr. It

is readily apparent that each reduction in α3 generally in-
creases N(merg)

BBH , with some nuance introduced depending on
which values of α3 are compared and whether Ni or Mi is held
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Figure 3. Cumulative binary black hole mergers with respect to redshift (and
time) for star clusters with different values of α3 (blue 1.6, black 2.3, red 3.0)
and different initial number of particles (Ni). Different line styles represent
different Ni, as in Figure 1. All model GCs were assumed to be born 13 Gyr
ago and appropriate redshifts were then computed using Astropy’s (As-
tropy Collaboration et al. 2013) cosmology calculator under the flat ΛCDM
model with H0 = 69.6km/s/Mpc and Ωmatter = 0.286 (see, e.g., Bennett et al.
2014). Values for α3 = 1.6 are lower limits (see Section 3.3).

constant in the comparison. Most notably, N(merg)
BBH in short-

lived clusters with α3 = 1.6 is comparable to or greater than
the number in their longer-lived cousins with α3 = 3. This is
largely due to the sheer number of merging BBHs they eject
(Table 1, column 6).

Even though clusters with top-heavy IMFs rapidly dissolve,
the large number of merging BBHs they eject suggests they
could contribute significantly to the total BBH merger rate
in the local Universe. Indeed, we show in Figure 3 that the
distribution of BBH mergers across redshift z is roughly com-
parable between the models with α3 = 1.6 and 2.3, even for
z < 1. The number of BBH mergers in each model at z < 1
is listed in column 9 of Table 1: a total of 40 across models
1-3 with α3 = 1.6 vs 60 across models 7-9 with α3 = 2.3. This
comparison is quite conservative since the merger counts for
the models with α3 = 1.6 are lower limits. First, we only con-
sider BBHs ejected prior to the simulation’s end, ignoring the
potentially substantial contribution to the z < 1 merger rate
from the large number of bound BHs left in the ‘dark phase’
of these clusters’ evolution. Many of these BHs could merge
after ejection as binaries. Second, to compute redshift we as-
sume the clusters were uniformly born 13 Gyr ago, ignoring
entirely the possibility that clusters with top-heavy IMFs may
be born more recently (El-Badry et al. 2019). It is therefore
plausible that clusters born with top-heavy IMFs could still
contribute significantly to the local BBH merger rate even
if they are dissolved by the present day (Fragione & Kocsis
2018).

Since the above comparisons of z < 1 merger counts are
model-dependent, it is useful to more generally estimate the
BBH merger rate expected in clusters with top-heavy IMFs.
We do so using the total number of BBH mergers from each
model (which are still lower limits in the case of α3 = 1.6).
The rate due to clusters with α3 = x at a given redshift z can
be approximated as Γx(z) ≈ 〈N(merg)

BBH /Mi〉ρSF(z) fSF fx. Here,
〈N(merg)

BBH /Mi〉 is the mean number of BBH mergers per initial

cluster mass, ρSF is the cosmological density of the star for-
mation rate, fSF is the fraction of the star formation rate as-
sumed to occur in star clusters, and fx is the fraction of clus-
ters born with α3 ≈ x. To mitigate uncertainties in the latter
three terms, we simply compute 〈N(merg)

BBH /Mi〉 for each value
of α3 and express the estimated merger rates from clusters
with non-canonical IMFs as ratios with respect to the better-
studied rates from clusters with canonical IMFs.

To compute 〈N(merg)
BBH /Mi〉 for each α3, we extract the func-

tional dependence of N(merg)
BBH on Mi from columns 3 and 5

of Table 1. Though the number of BBH mergers per clus-
ter scales roughly linearly with the present-day cluster mass,
at least in clusters with canonical IMFs (e.g., Rodriguez et al.
2015; Kremer et al. 2020b), we find a more general power law
of the form N(merg)

BBH = a(Mi)b fits the data slightly better given
χ2 goodness-of-fit tests. Specifically,

N(merg)
BBH


≥ (9.5±1.0)

(
Mi

105M�

)1.09±0.04
α3 = 1.6

= (11.8±0.5)
(

Mi
105M�

)1.31±0.02
α3 = 2.3

= (1.9±0.7)
(

Mi
105M�

)1.6±0.2
α3 = 3.0 ,

(2)

where the 1σ uncertainties on the fit parameters are computed
assuming Poisson uncertainties on N(merg)

BBH and the ≥ symbol
indicates a lower limit for top-heavy IMFs.

Assuming the distribution of GC birth masses takes the
form dNcluster/dMi ∝M−2

i (Lada & Lada 2003), then

〈
N(merg)

BBH

Mi

〉
=

a
(105M�)b

∫ MH

ML
Mb−3

i dMi∫ MH

ML
M−2

i dMi

=


aMH ln(MH/ML)

(105M�)2(MH/ML−1) b = 2
aMb−1

L
(2−b)(105M�)b

[
1−(ML/MH )2−b

1−ML/MH

]
b 6= 2 ,

(3)

where ML and MH are the lower and upper limits of the
mass function for clusters capable of producing BBH merg-
ers. Both bounds are somewhat arbitrary, but the lower bound
has a greater impact on the merger rate calculation since the
integrands in Equation 3 scale inversely with Mi. To avoid ex-
trapolating our fit to cluster masses that rarely produce BBHs,
we set the lower bound for each α3 as the Mi that produces
an average of two stars with M > 25M�, given the assumed
IMF. This is roughly the minimum cluster mass needed to
produce a single BBH merger since most progenitors with
M > 25M� will collapse to a BH. Under this definition,
ML/(100M�) ≈ (2,9,80) for α3 = (1.6,2.3,3), respectively.
Although the maximum cluster mass could vary with α3 in
principle, observations do not well-constrain this value, so we
naïvely set the upper bound for all α3 to be MH = 107M�
(Harris et al. 2014). With these assumptions, we find that
〈N(merg)

BBH /Mi〉 ≈ (59,40,10)/(106 M�), respectively. The rates
for GCs with α3 = 1.6 and 3, relative to the rates in canonical
GCs with α3 = 2.3, are then roughly given by

Γ1.6

Γ2.3
& 1.5

fGC,1.6

fGC,2.3
,

Γ3.0

Γ2.3
≈ 0.25

fGC,3.0

fGC,2.3
. (4)

Note again that the above ratio for clusters with α3 = 1.6 is
a lower limit. Both ratios are also very approximate since we
neither consider interdependence of Mi and α3 nor any cumu-
lative dependency of these ratios on the choices of initial pa-
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Figure 4. Cumulative density functions (CDFs) of the component masses for
binary black hole mergers in star clusters with different values of α3 (blue 1.6,
black 2.3, red 3.0) and different initial number of particles (Ni). Different line
styles represent different Ni, as in Figure 1.

rameters, such as virial radius, Galactocentric distance, metal-
licity, and binary fraction. Furthermore, fx is notoriously un-
certain and could depend on redshift, metallicity, and time
of birth. Nevertheless, these estimates qualitatively suggest
that if f1.6 > f2.3 & f3.0, then the contribution to the cosmo-
logical BBH merger rate from clusters could be a bit higher
than currently estimated (e.g., by Kremer et al. 2020b). In
turn, if f3.0 > f2.3 & f1.6, then those rate estimates could be
too high already. Overall, uncertainties in the IMF may con-
tribute about an order of magnitude to the uncertainty on the
dynamical BBH merger rate (see also Chatterjee et al. 2017).

Finally, it is worth commenting briefly on black hole-
neutron star (BH-NS) and binary neutron star (BNS) mergers.
In clusters that retain a BH population, NSs are pushed out
of the dense, BH-filled core due to mass segregation. Hence
the merger likelihood is significantly smaller for BH-NS and
BNS mergers than for BBH mergers in most GCs (Ye et al.
2020). It is therefore unsurprising that all our models produce
insignificant numbers of BH-NS and BNS mergers. While
our models with α3 = 3 – and therefore very few formed BHs
– do exhibit about four times more frequent binary NS merg-
ers than the models with α3 = 2.3, the numbers are still far too
low to account for the LIGO/Virgo estimated rates (Ye et al.
2020; Fragione & Banerjee 2020).

3.4. BH and BBH merger masses
The average stellar mass is higher in clusters with top-heavy

IMFs and lower in clusters with top-light IMFs. So, it is
unsurprising that the average masses of BHs, BBH merger
components, and BBH merger products in our models all in-
crease with decreasing α3. Averaging across all our models
for each α3 value, we find a mean BH mass at formation
of (16,12,9)M� for α3 = (1.6,2.3,3), respectively. The cor-
responding mean masses for BBH merger components and
merger products are (38,26,21)M� and (74,51,40)M�. This
trend is further exhibited in Figure 4 showing the mass distri-
bution of BBH merger components. The vertical jump in the
distributions at M = 40.5M� is due to the pile-up at the start

of the ‘mass gap’ of BHs formed from massive stars via pul-
sational pair-instability supernovae (PPISNe). CMC assumes
this gap begins at M > 40.5M� (for details, see Belczynski
et al. 2016), extending to around 120M�. Hence, the first ver-
tical jump indicates that clusters with top-heavy IMFs form
significantly more BHs via PPISNe than clusters with canoni-
cal IMFs. A second, smaller jump in the distributions for top-
heavy IMFs at M ≈ 77M� arises from 2nd-generation merg-
ers with a component produced in an earlier merger between
two such PPISNe-generated BHs.

The anti-correlation between the average mass of BBH
merger components and α3 arises for three reasons. First,
clusters with top-heavy IMFs produce higher-mass stars, in-
creasing not only the number of BHs formed, but also their
average mass. Second, for initial N held constant, clusters
with top-heavy IMFs also have greater total mass and higher
collision rates in their densely populated cores. This collision
rate enhancement is obvious in Table 1, column 7, listing the
number of mass gap BBH merger components formed from
the stellar product of collisions (e.g., Di Carlo et al. 2020;
Kremer et al. 2020c). While the column only lists collision-
ally formed merger components in the mass gap, the overall
collision rate scales similarly with decreasing α3. Finally, the
increased merger frequency in clusters with top-heavy IMFs
itself increases the average mass of the components by in-
creasing the chances that they will have already experienced a
merger (e.g., Fragione et al. 2020a,b; Rodriguez et al. 2020).

Indeed, the cumulative number of 2nd-generation or higher
(2G+) BBH mergers is also enhanced in clusters with top-
heavy IMFs, as seen in Table 1, column 8, listing the number
of 2G+ mergers with a component in the mass gap. For clus-
ters with top-heavy IMFs, this is identical to the total number
of 2G+ BBH mergers, though 2G+ mergers with neither com-
ponent in the mass gap are common for higher α3. Overall,
2G+ merger totals roughly double with each decrease in α3
from 3 to 2.3 to 1.6, while the numbers of 2G+ mergers with
a mass gap component roughly quadruple.

Though we find no trend between initial N and merger com-
ponent or product mass for α3 = 2.3 or 3, there is a clear cor-
relation for α3 = 1.6. In this case, for Ni = (4,8,16)×105, the
average BBH merger product mass is (54,62,79)M�, respec-
tively. This rise is in part due to 2G+ mergers, which account
for (7%,12%,18%) of the BBH mergers in these respective
models. In general, we find that clusters with top-heavy IMFs
and high initial N are especially good at efficiently producing
many 2G+ mergers and many BHs in the mass gap.

The increased collision and 2G+ merger rates in clusters
with top-heavy IMFs can also result in the formation of
‘intermediate-mass’ BHs (IMBHs), which we define as BHs
with masses exceeding 100M�. In particular, our highest-N
model with α3 = 1.6 (model 3 in Table 1) produce 46 IMBHs,
including one with mass M = 537M�. This particular IMBH
formed in the merger of a 122M� IMBH with a 426M�
IMBH, which itself formed in the merger of two IMBHs with
M≈ 200M�. While we intend to explore IMBH-formation in
GCs with top-heavy IMFs more thoroughly in future work, we
for now direct the reader’s attention to our collaboration’s re-
cent study on IMBH formation in GCs (González et al. 2020).

4. DISCUSSION AND CONCLUSIONS
Observations provide evidence that the stellar IMF may not

be universal. A non-canonical IMF can greatly affect a star
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cluster’s dynamical evolution, especially since its high end de-
termines how many BHs form within, regulating the cluster’s
energy budget and dynamical clock (Breen & Heggie 2013;
Chatterjee et al. 2017; Kremer et al. 2020a; Wang 2020). In
this Letter, we have extended the CMC Cluster Catalog
(Kremer et al. 2020b) to examine how a varying IMF affects
the evolution of star clusters and their BH populations.

We have shown that massive star clusters with top-heavy
IMFs (low α3) are likely to lose most of their mass within a
few Gyr, assuming they have low-to-average mass and Galac-
tocentric distance for typical Milky Way GCs. The rapid mass
loss during dissolution occurs in stages, first driven by stel-
lar winds and dynamical ejections, then by evaporation of the
halo through the tidal boundary. Extensive BH-burning en-
hances the latter stage in clusters with top-heavy IMFs, which
produce many BHs. Such clusters evolve through a point
where they consist mostly of BHs by mass (and up to at least
3% by number).3 Further study with direct N-body methods
(e.g., Banerjee & Kroupa 2011) is required to fully understand
the evolution of these clusters. Initializing direct N-body sim-
ulations with the pre-dissolution states of CMC models could
be especially useful in such an evaluation across the full clus-
ter mass distribution.

We note that the processes described above are also af-
fected by the choices of initial cluster metallicity and natal
kick distribution (Chatterjee et al. 2017). BHs in metal-rich
clusters have lower mass and do not inject as much energy
into the BH-burning process as BHs in metal-poor clusters.
Thus, metal-rich clusters typically have higher densities and
dispersion velocities, therefore processing the BH population
on shorter timescales and disrupting more binaries. Mean-
while, high natal kicks will eject most BHs from the clus-
ter during formation. In such a case, BHs and BBHs are
expected to be small in number regardless of the IMF. Top-
heavy clusters with higher natal kicks also live longer; while
they experience less tidal mass loss driven by BH-burning,
these clusters lose even more mass due to kick-driven dynam-
ical ejections of BHs (Chatterjee et al. 2017). For a recent
study of top-heavy cluster evolution featuring different natal
kick assumptions, see Haghi et al. (2020, published during re-
view of this paper), who examine lower-mass clusters with di-
rect N−body simulations incorporating gas expulsion physics.
Notably, they find that top-heavy clusters, albeit drastically
reduced in mass, may well survive to the present day if born
with masses above Mi & 7×105 M�. For times not too close
to disruption, where CMC’s assumptions start to be challenged
(see Section 2), our results are encouragingly compatible with
those of Haghi et al. (2020).

Regardless of their long-term evolution and stability, we
have also shown that clusters with top-heavy IMFs – and cor-
respondingly high BH production – may contribute signifi-
cantly to the present-day binary BH merger rate. Even though
these clusters rapidly lose most of their mass within a few Gyr,
mergers from ejected BBHs continue to contribute at later
times (Fragione & Kocsis 2018), at rates comparable to or
greater than those for clusters with canonical Kroupa IMFs.
The rate of 2nd-generation mergers with component masses
in the mass gap may be especially enhanced in top-heavy
GCs, motivating the existence of more GW190521-like merg-
ers (Abbott et al. 2020a). In addition, the enhancement of col-

3 Just like the fictional Maw cluster (Anderson 1994), this ‘dark cluster’
stage of a GC born with a top-heavy IMF may be short-lived due to the rapid
pace of tidal evaporation.

lision rates and multiple-generation mergers in top-heavy GCs
may also lead to the formation of IMBHs and even IMBH-
IMBH mergers, as demonstrated in one of our models.

In general, we have shown that the high-mass slope of the
cluster birth IMF may significantly impact the exact contri-
bution to the cosmological BBH merger rate due to cluster
dynamics. Specifically, if a large fraction of clusters were
born with top-heavy IMFs, the cluster-dynamics merger rate
may be somewhat enhanced relative to recent estimates (e.g.,
Kremer et al. 2020b). In turn, if a large fraction of clusters
were born with top-light IMFs, the cluster-dynamics merger
rate may be significantly reduced. With future observations of
gravitational waves providing unique information on the BBH
merger rate (Abbott et al. 2020b), it may be possible to lever-
age this understanding to better constrain the IMFs of old star
clusters.
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