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ABSTRACT

Increasingly large samples of galaxies are now being discovered at redshifts z ∼ 5–6 and higher. Many of these
objects are inferred to be young, low in mass, and relatively unreddened, but detailed analysis of their high quality
spectra will not be possible until the advent of future facilities. In this paper, we shed light on the physical condi-
tions in a plausibly similar low-mass galaxy by presenting the analysis of the rest-frame optical and UV spectra of
Q2343-BX418, an L∗ galaxy at z = 2.3 with a very low mass-to-light ratio and unusual properties: BX418 is young
(<100 Myr), low mass (M� ∼ 109 M�), low in metallicity (Z ∼ 1/6 Z�), and unreddened (E(B − V ) � 0.02,
UV continuum slope β = −2.1). We infer a metallicity 12 + log(O/H) = 7.9 ± 0.2 from the rest-frame optical
emission lines. We also determine the metallicity via the direct, electron temperature method, using the ratio O iii]
λλ1661, 1666/[O iii] λ5007 to determine the electron temperature and finding 12 + log(O/H) = 7.8 ± 0.1. These
measurements place BX418 among the most metal-poor galaxies observed in emission at high redshift. The rest-
frame UV spectrum, which represents ∼12 hr of integration with the Keck telescope, contains strong emission
from Lyα (with rest-frame equivalent width 54 Å), He ii λ1640 (both stellar and nebular), C iii] λλ1907, 1909
and O iii] λλ1661, 1666. The C iv/C iii] ratio indicates that the source of ionization is unlikely to be an active
galactic nucleus. Analysis of the He ii, O iii], and C iii] line strengths indicates a very high ionization parameter
log U ∼ −1, while Lyα and the interstellar absorption lines indicate that outflowing gas is highly ionized over a
wide range of velocities. It remains to be determined how many of BX418’s unique spectral features are due to its
global properties, such as low metallicity and dust extinction, and how many are indicative of a short-lived phase
in the early evolution of an otherwise normal star-forming galaxy.
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1. INTRODUCTION

Many of the key questions in the study of galaxy formation
and evolution are also the most difficult to address because they
center on the properties of the very faint galaxies in the early
universe. Significant numbers of such galaxies are now being
confirmed at z ∼ 5–6 (e.g., Yan et al. 2005; McLure et al.
2006; Ando et al. 2007; Vanzella et al. 2009; Stark et al. 2009,
2010), and the recent installation of the Wide Field Camera 3
(WFC3) on the Hubble Space Telescope (HST) has resulted in
a flurry of candidate galaxies at 7 < z < 10 (Bouwens et al.
2010a; Oesch et al. 2010; Yan et al. 2009; Bunker et al. 2009;
McLure et al. 2010). The general properties of these galaxies can
be inferred from their broadband spectral energy distributions
(SEDs), but as a result of their faint continuum magnitudes,
spectral information—when available at all—is limited to strong
Lyα emission or low signal-to-noise composite spectra. Because
of this flux limit, significant progress in the understanding of the
detailed properties of these galaxies is unlikely to occur before
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the era of the James Webb Space Telescope and the extremely
large ground-based telescopes.

An alternative and immediately accessible approach is to
identify galaxies at somewhat lower redshifts that are likely to be
similar to these high redshift objects. Galaxies at z ∼ 2 are still
bright enough for detailed study with current technology and
have the further advantage that the full set of rest-frame optical
emission lines is observable in the near-IR from the ground. If
we wish, then, to identify z ∼ 2 galaxies that are most likely to
illuminate the properties of galaxies in the very early universe,
what features should we look for? Intuitively, we expect that
such galaxies will be young, low in mass and metallicity, and
relatively unreddened. Recent results bear this out. At increasing
redshifts, the UV-continuum slope β (fλ ∝ λβ) of galaxies
becomes bluer; the most luminous galaxies have β ∼ −1.5 at
z ∼ 2, and β ∼ −2.4 at z ∼ 6 (Bouwens et al. 2009). At a given
redshift, fainter galaxies also show bluer slopes. At z ∼ 7–8,
galaxies are found to have β ∼ −2 to −3 (Bouwens et al.
2010b; Finkelstein et al. 2009). Given the limited data available
on these galaxies, the origin of such blue slopes is difficult
to determine. Bouwens et al. (2010b) suggest that the bluest
slopes of the faintest galaxies cannot be produced by normal
stellar populations at nonzero metallicities, while Finkelstein
et al. (2009) argue that recourse to Population III stars, a
top-heavy initial mass function, or other unusual mechanisms
is not necessary to account for the blue color. Instead, they
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find that the galaxies’ observed SEDs are best explained by
a young (<100 Myr), low metallicity (Z < 0.1 Z� at 1σ
confidence) stellar population with little to no dust extinction
and stellar masses of 108–109 M�. We are unlikely to find
galaxies dominated by Population III stars at z ∼ 2, but the
set of properties found by Finkelstein et al. (2009) may well be
approximated by some unusual lower redshift objects.

In this paper, we present the analysis of the rest-frame
ultraviolet and optical spectra of one such highly unusual galaxy.
Q2343-BX418 is an L∗ galaxy at z = 2.3 selected by the
standard rest-frame UV color criteria (Steidel et al. 2004),
but it is nevertheless among the youngest and lowest stellar
mass continuum-selected z ∼ 2 galaxies identified to date,
with rest-frame B-band mass-to-light ratio M/L = 0.03. More
uniquely, BX418 also shows extremely low dust obscuration
and low metallicity. We use the UV and optical line ratios in
combination with photoionization modeling to show that the
properties of this galaxy are significantly different from those
of more typical z ∼ 2 galaxies and from local starburst galaxies
as well. Our study relies on an extremely deep UV spectrum:
given spectra of sufficient quality, observations in the rest-frame
UV are sensitive to dust content, age, galaxy-scale outflows,
metallicity, ionization parameter, and the initial mass function.
In order to obtain the relatively high signal-to-noise necessary
for this analysis, detailed studies of the UV spectra of high
redshift galaxies have so far been restricted primarily to the
composite spectra of many galaxies (Shapley et al. 2003) or
to galaxies whose luminosities have fortuitously been boosted
by gravitational lensing (Pettini et al. 2000, 2002; Cabanac
et al. 2008; Quider et al. 2009, 2010; Dessauges-Zavadsky et al.
2010). The result is that these studies have primarily served to
illuminate the properties of typical galaxies at z ∼ 2–3. Here we
take advantage of ∼15 hr of integration with the Keck telescope
to study an object that is considerably younger, bluer, and lower
in mass than these more typical galaxies.

This paper is organized as follows. We describe the obser-
vations and data reduction in Section 2, the construction of
a composite spectrum for comparison in Section 3, and the
global properties of BX418 in Section 4, including the stel-
lar population properties (Section 4.1), the star formation rate
(Section 4.2), and the kinematics and gas mass (Section 4.3). In
Section 5, we discuss the suite of photoionization models used
to match the observed line ratios. We focus on the rest-frame
optical spectrum in Section 6, including constraints on metal-
licity and ionization parameter. The rest-frame UV spectrum
is the subject of Section 7: Section 7.1 deals with the inter-
stellar absorption and Lyα emission and Section 7.2 describes
the He ii emission. In Section 7.3, we discuss nebular emis-
sion from carbon and oxygen, and resulting constraints on the
C/O abundance ratio. The stellar wind lines are described in
Section 7.4 and the weak fine structure emission lines in
Section 7.5. We discuss all of these results in Section 8 and
summarize our conclusions in Section 9. We use a cosmology
with H0 = 70 km s−1 Mpc−1, Ωm = 0.3, and ΩΛ = 0.7,
and assume a Chabrier (2003) initial mass function and a solar
oxygen abundance of 12 + log(O/H) = 8.69 (Asplund et al.
2009).

2. OBSERVATIONS AND DATA REDUCTION

2.1. Optical Spectroscopy

The z = 2.3048 galaxy Q2343-BX418 (α = 23:46:18.571,
δ = +12:47:47.379; J2000) was observed in the course of the

z ∼ 2 galaxy survey described by Steidel et al. (2004). In 2003
September and October, we created four slitmasks in the Q2343
field for deep observation with the Low Resolution Imaging
Spectrometer (LRIS; Oke et al. 1995) on the Keck I telescope.
BX418 appeared on two of these masks and was observed for
5.5 hr on 2003 September 24–26 and for 6.1 hr on 2003 October
26–28, for a total of 11.6 hr of integration. The observations
were conducted as described by Steidel et al. (2004). We used
the 400 groove mm−1 grism blazed at 3400 Å for the LRIS blue
channel and divided the beam with a dichroic at 6800 Å. In the
red channel, we used the 400 groove mm−1 grating blazed at
8500 Å, though in the case of BX418 all of the scientifically
useful information falls in the blue channel. Each mask was
observed at the parallactic angle, for approximately 2 hr each
night. The deep masks contained a total of 77 objects, receiving
integrations ranging from 5.5 to 22.8 hr. Inspection of the spectra
showed many to be of high quality but similar to the average
UV spectra of galaxies at z ∼ 2–3 (e.g., Shapley et al. 2003);
BX418, however, contains several distinctive spectral features.

Data reduction was done according to standard procedures
described by Steidel et al. (2003). The spectra from each of
the two masks containing BX418 were reduced and extracted
independently, and then these one-dimensional (1D) spectra
were combined to produce the final spectrum. Flux calibration
was checked by integrating the spectrum over the G bandpass
using the IRAF task “sbands” and comparing with the broadband
magnitude. The two measurements differed by only 0.03 mag,
so no correction to the flux calibration was applied. The data
reduction procedures also included the production of a two-
dimensional variance spectrum for each slit on each mask
observed. These were scaled by the number of exposures of
each mask, extracted to 1D using the same apertures used for the
science spectra, and combined using standard error propagation
to construct a 1σ error spectrum which was used to determine
uncertainties. The spectrum of BX418 covers wavelengths
∼3400–6400 Å or ∼1000–1930 Å in the rest frame. The slit
width was 1.′′2, but because the galaxy is compact and the seeing
was good, the spectral resolution is primarily determined by the
angular size of the galaxy, which was ∼0.′′85. The resulting
resolution is ∼400 km s−1 and ranges from ∼550 km s−1 at the
blue end of the spectrum to ∼300 km s−1 at the red end.

2.2. Near-IR Spectroscopy

BX418 was also observed with NIRSPEC (McLean et al.
1998) on the Keck II telescope, in order to obtain infrared spectra
of the rest-frame optical emission lines. The K-band observation
of Hα was included in the survey of Erb et al. (2006c); these
data were obtained on 2004 June 13, and consisted of five
15 minute integrations using the NIRSPEC-6 filter. We also
observed BX418 in the H (for [O iii] λλ5007, 4959 and Hβ)
and J (for [O ii] λ3727) bands in 2004 September. The H-band
observations were conducted on 2004 September 6 using the
NIRSPEC-5 filter and consisted of four 15 minute integrations.
Similarly, we obtained four 15 minute J-band integrations using
the NIRSPEC-3 filter on 2004 September 7. As measured from
the sky lines, the spectral resolution is 15 Å (∼200 km s−1 ) in the
K band, 10 Å (∼180 km s−1 ) in H, and 10 Å (∼240 km s−1 ) in J.
The data were reduced using the standard procedures described
by Erb et al. (2003).

When comparing observations taken at different times and
with different spectral configurations, relative (and absolute)
flux calibration is always a concern. As discussed by Erb et al.
(2006c), NIRSPEC flux calibration is subject to significant
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uncertainties, primarily because of slit losses. In the case
of BX418, however, we have reason to believe that these
uncertainties are minimal. As described below, Hα emission
from BX418 has also been observed with OSIRIS, the near-IR
integral field spectrograph with laser guide star adaptive optics
on the Keck II telescope. The two flux measurements agree
within 3%, well below the uncertainties on both observations.
The OSIRIS observations also show that the nebular emission
arises from a very small region with radius 0.8 kpc, or 0.′′1 at
z = 2.3. Thus, the spatial extent of the galaxy in the NIRSPEC
observations is determined almost entirely by the seeing, which
was ∼0.′′5 for all observations. The slit width was 0.′′76 and
we therefore expect slit losses to be minimal. Conditions were
photometric for all observations. As noted above, the flux
calibration of the rest-frame UV spectrum was checked by
comparison with the broadband G magnitude and found to agree;
we are therefore confident in comparisons between the LRIS and
NIRSPEC spectra as well.

2.3. Optical and IR Imaging

We also make use of deep optical, near-IR, and mid-IR
images. The Q2343 field was imaged in the Un, G, and Rs
bands with the Large Format Camera on the Palomar 200 inch
telescope in 2001 August, as described by Steidel et al. (2004).
Near-IR J- and K-band observations were conducted with the
Wide-field Infrared Camera (Wilson et al. 2003), also on the
Palomar telescope. These observations are described by Erb
et al. (2006c). Finally, the Q2343 field was observed at 4.5 and
8.0 μm with the Infrared Array Camera (IRAC; Fazio et al.
2004) instrument on the Spitzer Space Telescope, and at 24 μm
with the Multiband Imaging Photometer for Spitzer (MIPS). We
use only the 4.5 μm IRAC data, as BX418 was not detected at
8 μm. The 4.5 μm image had an integration time of 18,000 s
and a 3σ depth of ∼0.16 μJy. The IRAC image was reduced as
described by Shapley et al. (2005). BX418 was also undetected
in the MIPS 24 μm image, which had an effective integration
time of 9.6 hr and a 3σ depth of ∼15 μJy. The MIPS data were
reduced as described by Reddy et al. (2006b).

A portion of the Q2343 field including BX418 was observed
using the F160W filter (λ ∼ 1.54 μm, tracing rest-frame 4700 Å
at the redshift of BX418) of the WFC3/IR camera on board
the HST on UT 2010 June 15, as part of a survey of star-
forming galaxies in deep extragalactic fields (GO-11694). The
integration time was 9 × 900 s, for a total of 8100 s. The details
of the HST observations and data reduction are described in
full by D. R. Law et al. (2010, in preparation); in brief, the
HST images were drizzled to a pixel scale of 0.′′08 pixel−1

with a point-spread function of FWHM = 0.′′19 (corresponding
to 1.6 kpc at the redshift of BX418) and reach a 5σ limiting
magnitude of 27.9 AB in a 0.′′4 diameter aperture.

3. COMPARISON SAMPLE

In order to compare the rest-frame UV spectrum of BX418
with that of more typical galaxies at z ∼ 2, we have constructed
a composite spectrum of all of the galaxies in the z ∼ 2 sample
for which we have determined stellar population parameters and
which have spectra of high enough signal-to-noise for reliable
redshift determination. The composite is the average of 1186
spectra of 966 galaxies (because some galaxies were observed
more than once). It was constructed in the same fashion as the
z ∼ 3 Lyman break galaxy composite spectrum described by
Shapley et al. (2003) and is very similar to that spectrum in

appearance. The galaxies included in the z ∼ 2 composite have
the following medians and semi-interquartile ranges: redshift
zmed = 2.2 ± 0.3, stellar mass M�,med = (9.7 ± 8.9) × 109 M�,
and age 571 ± 538 Myr, assuming constant star formation. The
median reddening is E(B−V )med = 0.17±0.06. The properties
of BX418 are given in Section 4.1 for comparison.

4. GLOBAL PROPERTIES

Broadband magnitudes for BX418 are given in Table 1 from
Un to 4.5 μm. Note that the SED is nearly flat, with AB mag-
nitudes mAB � 24 ± 0.5 in all observed bands after correction
for line emission. These colors are highly unusual as shown in
Figure 1. Here we present the G−R versus R−K color–color
diagram for 1116 spectroscopically confirmed z ∼ 2 galaxies
selected by the BX, BM, and MD color criteria (Steidel et al.
2003, 2004). BX418 is shown by the large circle in the lower
left corner of the diagram. There are few objects in this corner
and BX418 lies at the extreme such that galaxies bluer in G−R
are redder in R − K , while galaxies bluer in R − K are redder
in G −R. In physical terms, the blue G −R color is indicative
of low extinction, but not necessarily a young stellar popula-
tion, while the blue R − K color implies a low stellar mass
and a young age as well, given the high star formation rates
of these galaxies. Young, low-mass, and unreddened galaxies
can therefore be expected to fall in the lower left corner of the
color–color diagram; they are few in number because young
galaxies usually have redder UV slopes (Shapley et al. 2001,
2005; Reddy et al. 2010). From the G − R color, we find a UV
continuum slope β = −2.1, placing BX418 at the extreme blue
end of the β distribution of luminous z ∼ 2 galaxies (Reddy
et al. 2006b, 2010). Note that at z = 2.3 Lyα falls between the
Un and G bands, so the observed colors are not affected by the
strong Lyα emission. However, the H and K magnitudes are af-
fected by the strong rest-frame optical emission lines; combined
[O iii] λλ4959, 5007 and Hβ emission contributes 0.45 mag to
the observed H band, while Hα emission contributes 0.4 mag to
the K-band magnitude.

BX418 is undetected in deep 8 and 24 μm imaging, with 3σ
upper limits of mAB > 22.5 at 8 μm and f24 μm < 34 μJy. Most
active galactic nuclei (AGNs) in the UV-selected z ∼ 2 galaxy
sample have a rising, power-law SED at 8 and 24 μm, with
f24 μm > 100 μJy (Reddy et al. 2006a); BX418’s nondetection
in these bands therefore argues against the presence of an
obscured AGN.

In Figure 2, we present a high-resolution rest-frame optical
image of BX418, taken with the WFC3 on HST, using the
F160W filter. This demonstrates that the galaxy is very compact,
with a half light radius of 1.5 kpc; for comparison, the average
half light radius of galaxies in the UV-selected sample is ∼3
kpc. BX418 shows a slight elongation along the N–S axis
(also seen in the OSIRIS observations of Law et al. 2009
described in Section 4.3 below), but otherwise has no distinctive
morphological features.

4.1. Stellar Population Modeling

Stellar population properties are determined by modeling
of the broadband SED in the usual fashion, employing the
Bruzual & Charlot (2003) population synthesis models and
following methods previously described by Shapley et al. (2005)
and Erb et al. (2006c). We quantify the uncertainties in the
modeling using a series of 10,000 Monte Carlo simulations, as
described by Shapley et al. (2005). These simulations perturb
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Table 1
Photometry

Un G R JAB HAB
a KAB

b 4.5 μm

24.3 ± 0.1 23.9 ± 0.1 24.0 ± 0.1 24.5 ± 0.4 23.04 ± 0.04 23.7 ± 0.4 23.8 ± 0.5

Notes. All magnitudes are AB.
a HST F160W magnitude, with no correction for [O iii] λλ4959, 5007 and Hβ emission. The corrected
magnitude is 23.49 ± 0.08.
b Uncorrected for Hα emission, which accounts for 0.4 ± 0.1 mag.

Figure 1. G−R vs.R−KAB color–color diagram, in which BX418 is compared
with 1116 spectroscopically confirmed z ∼ 2 galaxies selected by the BX, BM,
and MD color criteria (Steidel et al. 2003, 2004).

(A color version of this figure is available in the online journal.)

the galaxy’s photometry in accordance with the photometric
errors, and compute the best-fitting model for the perturbed
photometry, including a variety of star formation histories. We
find that 91% of the 10,000 trials favor a young, low-mass galaxy
with age <150 Myr; the remaining 9% allow a more massive
and significantly older stellar population. Based on the strong
spectral evidence that the galaxy is young and metal poor, we
adopt the younger and less massive solution, taking as the stellar
mass, age, and E(B − V ) the mean values of these quantities in
the 91% of trials which give this general solution. Uncertainties
are then given by the standard deviation. With the exception
of a somewhat younger age (38 Myr versus 100 Myr), these
values are not significantly different from the best-fit constant
star formation model given by the observed photometry. We
determine the stellar population parameters in this way in order
to obtain uncertainties that are not skewed by the tail of older
solutions disallowed by the spectrum. We have also checked
these results using a newer set of population synthesis models,
which offer an improved description of thermally pulsating AGB
stars (Bruzual 2007; S. Charlot 2009, private communication),
with the Small Magellanic Cloud (SMC) rather than Calzetti
et al. (2000) extinction law, and with lower metallicity models
of 0.4 Z� rather than solar. None of these variations significantly
change the results. We find M� = 9 × 108 M�, an age of
38 Myr, and E(B−V ) = 0.02. These values and their associated
uncertainties are also given in Table 2.

+1.5

-1.5

0

+12.5

-12.5

0

+1.5 -1.50

+12.5 -12.50

WFC3/F160W

Figure 2. Rest-frame optical image of BX418, taken with the WFC3 on HST.
The area shown is 3′′ × 3′′, and the gray circle at lower right shows the FWHM
of the 0.′′19 PSF. BX418 is compact with a half light radius of 1.5 kpc.

In addition, we have assessed the probability of a hidden
older stellar population by fitting two-component stellar pop-
ulation models, as described by Erb et al. (2006c). A general
two-component model, in which the age and mass of both com-
ponents are allowed to vary arbitrarily, provides a good fit to
the data but increases the total mass by at most a factor of 2. A
maximally massive model, in which the optical and IR light is
fit by a maximally old stellar population and the UV residuals
are then fit with an episode of current star formation, increases
the total stellar mass by a factor of 10. However, this model is
a significantly poorer fit to the observed photometry and over-
predicts the star formation rate by a factor of >2 relative to
that predicted by independent observations of Hα with both
NIRSPEC (long slit spectroscopy) and OSIRIS (integral field
spectroscopy). We therefore consider a significant underlying
older stellar population to be unlikely.

4.2. Star Formation Rates and Timescales

We use the NIRSPEC Hα luminosity to determine a star
formation rate of 15 ± 2 M� yr−1, where no extinction correc-
tion has been applied but the uncertainties include both statis-
tical flux errors and a range of extinction 0 < E(B − V ) <
0.05. This is a factor of ∼2 lower than the average Hα-
determined star formation rate of z ∼ 2 galaxies (Erb et al.
2006b). We also calculate the SFR from the 1500 Å luminosity,
finding SFRUV = 9 M� yr−1, again with no extinction cor-
rection applied. For both calculations we use the prescriptions
of Kennicutt (1998a). It is well known that Hα emission and
the UV continuum luminosity probe different timescales; Hα
emission arises in H ii regions around the most massive stars,
and therefore traces the nearly instantaneous star formation rate,
while the UV luminosity continues to rise for the first ∼100 Myr.
In a very young galaxy, we would therefore expect Hα to give
a higher star formation rate than the UV continuum. This is
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Table 2
Stellar Population, Gas, and Kinematic Properties

M�
a Agea E(B − V )a SFRHα

b Mgas
c Mdyn

d

(109 M�) (Myr) (M� yr−1) (109 M�) (109 M�)

0.9 ± 0.4 38 ± 23 0.02 ± 0.03 15 ± 2 2.5 3

Notes.
a Stellar mass, age, and E(B − V ) from SED modeling as described in the text.
b Star formation rate from Hα. No extinction correction has been applied, but uncertainties include
both random flux error and the effects of extinction up to E(B − V ) < 0.05.
c Gas mass inferred from the Kennicutt–Schmidt law.
d Law et al. (2009).

indeed the case in BX418, where SFRUV/SFRHα = 0.65. Us-
ing a Starburst99 (Leitherer et al. 1999) constant star forma-
tion model matched as closely as possible to the properties of
BX418, we predict the UV continuum luminosity as a func-
tion of time, and find that it reaches ∼65% of its final value at
an age of ∼15 Myr. This is lower than our estimated age, but
within the uncertainties. It is also comparable to the estimated
dynamical time of ∼25 Myr (see below). Applying our best-
fit E(B − V ) = 0.02 to both the Hα and UV fluxes, we find
SFRUV/SFRHα � 0.8, which occurs at an age of ∼40 Myr; this
is well matched to our best-fit age. However, we caution that
while all of these numbers are consistent with the young age we
derive for BX418, uncertainties in the extinction mean that the
ratio of SFRs alone is insufficient to reliably constrain the age
to <100 Myr. Applying a correction of E(B − V ) = 0.05, still
within the uncertainties, to both the Hα and UV fluxes results
in SFRs that are equal within the photometric and spectroscopic
uncertainties.

We can also place a lower limit on the SFR from the
Lyα emission, from which we find SFRLyα = 6 M� yr−1.
A comparison of the SFRs derived from Hα and Lyα sug-
gests a Lyα escape fraction of ∼40%, as also discussed in
Section 7.1.2.

4.3. Kinematics, Gas Mass, and Gas Fraction

The Hα emission from BX418 has also been observed with
the integral field spectrograph OSIRIS on the Keck II telescope
using laser guide star adaptive optics, as part of the survey
described by Law et al. (2009). The measured Hα flux was
in excellent agreement with that derived from our NIRSPEC
observations. The OSIRIS observations indicate that the Hα
emission is very compact, covering 2.2 ± 0.6 kpc2 with
effective radius r = 0.8 ± 0.1 kpc. BX418 also shows a
low mean velocity dispersion σmean = 61 ± 17 km s−1 (where
σmean is the flux-weighted mean of the velocity dispersions of
individual spatial pixels) and a slight velocity gradient given by
vshear = 23 ± 12 km s−1 over a distance of ∼1 kpc; vshear is
defined as half of the maximum difference in velocity between
any two positions along a pseudo-slit oriented to maximize the
velocity gradient. Thus like most low to average mass z ∼ 2
galaxies studied to date, BX418 appears to be kinematically
dominated by random motions rather than rotation (Law et al.
2009; Förster Schreiber et al. 2009). From the Hα kinematics
and size, Law et al. (2009) derive a dynamical mass Mdyn =
3 × 109 M�. We also use the size and velocity dispersion to
estimate the dynamical time, tdyn ∼ 2r/σ � 25 Myr. This
is again comparable to the age derived from SED fitting and
provides an approximate lower limit to the age of the galaxy.

The flux and spatial extent of the Hα emission observed
by OSIRIS can be used to estimate the mass of cold gas

associated with star formation. We use the inversion of the
Kennicutt–Schmidt star formation law (Kennicutt 1998b) given
by Erb et al. (2006c) and find Mgas = 2.5×109 M�. We combine
this with the stellar mass M� = 9×108 M� to find baryonic mass
Mbar = 3.4 × 109 M�, in good agreement with the dynamical
mass, and gas fraction μ = Mgas/(M� + Mgas) = 0.7. This high
gas fraction is consistent with the galaxy’s young age and low
metallicity, and is comparable to the high gas fractions inferred
for other young galaxies at z ∼ 2 (Erb et al. 2006c).

5. PHOTOIONIZATION MODELING

In the following sections, we compare the rest-frame opti-
cal and UV emission line ratios with a suite of photoionization
models in order to obtain constraints on metallicity, the ioniza-
tion parameter and ionization correction factors (ICFs), and the
relative abundances of C and O. The models were constructed
with version 08.00 of Cloudy, last described by Ferland et al.
(1998). We employ an input ionizing spectrum from Starburst99
(Leitherer et al. 1999), assuming continuous star formation at
15 M� yr−1, an age of 50 Myr, and a metallicity of Z = 0.004,
or ∼0.3 Z�, the closest available metallicity to that measured
for BX418. We use the Pauldrach/Hillier stellar atmospheres,
which have ionizing fluxes discussed by Smith et al. (2002). Un-
certainties associated with these ionizing fluxes are discussed
in more detail in Section 7.2. We consider metallicities of 0.05,
0.1, 0.2, 0.3, and 0.5 Z�. We use Cloudy’s default H ii region
abundance set and in addition reduce the abundances of C and
N by factors of 0.85, 0.65, 0.45, 0.25, 0.15, and 0.05 for each
of the metallicities adopted. The default C/O and N/O ratios
are 0.75 and 0.17 respectively; the resulting reduced C/O ratios
are 0.65, 0.49, 0.34, 0.19, 0.11, and 0.04, and the reduced N/O
ratios are 0.15, 0.11, 0.079, 0.044, 0.026, and 0.0088.

The ionization parameter represents the ratio of ionizing
photon to particle density and is defined in dimensionless form
as

U ≡ Q(H )

4πr2
o n(H )c

, (1)

where Q(H ) is the number of ionizing photons emitted per
unit time, ro is the assumed distance from the ionization source
to the cloud, and n(H ) is the total hydrogen density. Because
neither the particle density nor the ionization parameter can
be measured independently for BX418, we instead construct
a set of models with reasonable values of n(H ) and ro that
result in ionization parameters ranging from log U = −3.3 to
log U = −0.2. We examine the variation of the line ratios of
interest as a function of ionization parameter, metallicity, and
C/O and N/O abundance, and choose the models best matching
all of the observations. As described in detail in the following
sections, the properties of BX418 can only be reproduced by
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Figure 3. Rest-frame optical spectra in the K, H, and J bands, taken as three
separate observations with NIRSPEC. The thin blue lines show the 1σ error
spectra, and the vertical dashed lines mark the locations of the strong emission
lines. From left to right in the K band: [N ii] λ6548 (undetected), Hα, [N ii]
λ6583 (undetected), and [S ii] λλ6716, 6731 (undetected); in the H band, Hβ,
[O iii] λ4959, and [O iii] λ5007; and in the J band, [O ii] λ3727 (undetected).

(A color version of this figure is available in the online journal.)

models with low metallicity, a significantly reduced C/O ratio,
and an extremely high ionization parameter.

6. THE REST-FRAME OPTICAL SPECTRUM

The J-, H-, and K-band observations described in Section 2
cover the approximate rest-frame wavelength ranges 3450–4200,
4550–5400, and 5900–7000 Å, respectively, and therefore in-
clude the lines [O ii] λ3727, Hβ, [O iii] λλ4959, 5007, Hα,
and [N ii] λ6583. Upper limits on [O ii] and [N ii] and fluxes
of the remaining lines are reported in Table 3, and the spectra
are shown in Figure 3. We use the strongest of these lines, Hα
and [O iii] λ5007, to determine the systemic redshift of BX418,
zsys = 2.3048. In this section, we use the ratios of all of these
lines to place constraints on metallicity, ionization parameter,
and extinction.

6.1. Metallicity and Ionization Parameter

The gas-phase metallicity of BX418 can be determined
from the ratios of the rest-frame optical emission lines, us-
ing the various familiar strong-line metallicity diagnostics.9

We begin by obtaining an upper limit on the metallicity us-
ing the ratios of [N ii]/Hα (N2) and ([N ii]/Hα)/([O iii]/Hβ)
(O3N2) as calibrated by Pettini & Pagel (2004). We obtain
12 + log(O/H) < 8.1 from N2, and 12 + log(O/H) < 8.0 from
O3N2. These upper limits place BX418 on the lower branch of
the double-valued R23 metallicity calibration, as does the [N ii]/
Hα ratio itself (Kewley & Ellison 2008). Given this constraint,

9 Unfortunately the Te-sensitive auroral line [O iii] λ4363 falls outside of our
observational windows, though given the faintness of this line we would be
unlikely to detect it even in the low metallicity case.

Figure 4. BX418 and the mass–metallicity relation for z ∼ 2 galaxies. All
measurements are either from the [N ii]/Hα calibration of Pettini & Pagel
(2004) or have been converted to this method using the prescriptions of Kewley
& Ellison (2008). BX418 is indicated by the large magenta circle at lower left.
Other data points are from Law et al. (2009, L09), Förster Schreiber et al. (2006,
FS06), Genzel et al. (2006, 2008, G06, G08), Yuan & Kewley (2009, Y09), Stark
et al. (2008, S08), and the composite spectra of Erb et al. (2006a, E06). The
horizontal dotted line shows the solar oxygen abundance.

(A color version of this figure is available in the online journal.)

we can then use the R23 method to determine metallicity. This
is the ratio of the oxygen lines [O iii] λλ4959, 5007 and [O ii]
λ3727 to Hβ, and is perhaps the most commonly used strong
line metallicity diagnostic. We use the calibration of McGaugh
(1991), in the analytical form given by Kobulnicky et al. (1999).
This form incorporates the dependence of R23 on the ionization
parameter via the inclusion of the ionization parameter-sensitive
ratio [O iii]/[O ii]. Our lower limit log([O iii]/[O ii]) >1.1 in-
dicates a high ionization parameter of at least log U ∼ −2.
In determining the metallicity, we consider the range 1.1 <
log([O iii]/[O ii]) < 2, where the upper limit comes from the
maximum value of this ratio in our Cloudy photoionization
models, corresponding to a low metallicity Z = 0.05 Z� and a
very high ionization parameter log U ∼ −1. We do not apply
an extinction correction, which would be negligible given the
very low reddening implied by the SED modeling. Incorporat-
ing both the uncertainty in the [O ii] flux and random error in the
fluxes of the other lines, we find 12 + log(O/H) = 7.9 ± 0.2,
or Z = 1/6 Z�. This places BX418 among the most metal-
poor star-forming galaxies known at high redshift (much lower
abundances are found among damped Lyα absorption systems,
which show a wider range in metallicity; e.g., Pettini et al.
1997; Prochaska & Wolfe 1999). This is shown in Figure 4,
which places BX418 on the mass–metallicity relation at z ∼ 2.

In Section 7.3, we also derive the metallicity via the direct,
electron temperature method, using the ratio O iii] λλ1661,
1666/[O iii] λ5007 to determine the electron temperature. We
find 12 + log(O/H) = 7.8 ± 0.1, in excellent agreement with
the strong line metallicity derived above. From later work on
the UV spectrum (Section 7.2), we also find that reproducing
all of the line ratios requires a very high ionization parameter of
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Table 3
Emission Lines

Ion λrest
a W0

b Flux FWHMc Δvd Instrument
(Å) (Å) (10−17 erg s−1 cm−2) (km s−1) (km s−1)

Lyα 1215.6701 54.0 ± 1.2 29.3 ± 0.4 840 ± 17 307 ± 3 LRIS-B
Si ii* 1264.738 0.4 ± 0.1 0.2 ± 0.06 . . . 220 ± 72 LRIS-B
Si ii* 1309.276 0.5 ± 0.2 0.2 ± 0.07 . . . 206 ± 71 LRIS-B
C ii* 1335.708 0.7 ± 0.1 0.3 ± 0.06 . . . 197 ± 51 LRIS-B
Si ii* 1533.431 <0.4 <0.2 . . . . . . LRIS-B
He ii 1640.42 2.7 ± 0.2 0.8 ± 0.1 612 ± 64 −17 ± 55 LRIS-B
O iii] 1660.809 1.0 ± 0.2 0.3 ± 0.07 <276 193 ± 57 LRIS-B
O iii] 1666.150 1.3 ± 0.2 0.4 ± 0.08 235 ± 93 −2 ± 41 LRIS-B
C iii] 1906.683, 1908.734e 7.1 ± 0.4 1.4 ± 0.1 225 ± 36 81 ± 21 LRIS-B
[O ii] 3727.09, 3728.79 . . . <1.9 . . . . . . NIRSPEC
Hβ 4862.721 44 ± 9 2.6 ± 0.3 <102 −46 ± 19 NIRSPEC
[O iii] 4960.295 93 ± 13 5.4 ± 0.3 120 ± 23 −47 ± 10 NIRSPEC
[O iii] 5008.239 285 ± 26 16.7 ± 0.2 161 ± 7 −9 ± 4 NIRSPEC
Hα 6564.614 450 ± 247 8.0 ± 0.2 155 ± 11 . . . NIRSPEC
[N ii] 6585.27 . . . <0.3 . . . . . . NIRSPEC

Notes.
a Vacuum rest wavelength.
b Rest-frame equivalent width, computed from the spectrum for the LRIS-B observations and from the comparison of
the line flux and broadband magnitude for the rest-frame optical emission lines. No broadband magnitude is available
for the other lines observed with NIRSPEC. Where the lines are undetected, 3σ limits are given.
c FWHM corrected for instrumental resolution. If the uncorrected line width minus its error is less than the instrumental
resolution, we report a 1σ upper limit of the corrected FWHM plus its 1σ error. We do not report widths for the weak
UV fine structure lines, which are unresolved.
d Velocity offset relative to Hα emission. Velocity differences of Hβ and [O iii] λ4959 with respect to [O iii] λ5007
are due to sky line residuals.
e We assume a wavelength of 1907.709 Å for the blended C iii] doublet.

log U ∼ −1. We discuss this extreme ionization parameter in
Section 8.1.

6.2. Extinction and the Hα/Hβ Ratio

We have a further estimate of dust extinction in BX418 in
the Hα/Hβ ratio. In principle, this provides a more robust
measurement than the SED fitting, but in practice we are limited
by the low signal-to-noise ratio (S/N) of the Hβ line. For case B
recombination, Hα/Hβ = 2.8; from our measured Hα and Hβ
fluxes, we find Hα/Hβ = 3.1±0.4. This is consistent with zero
extinction and with the low value of E(B − V ) estimated from
the SED fitting, but allows for greater reddening as well. We
conclude that the S/N of the Hα/Hβ ratio is too low to provide
additional constraints on the amount of dust extinction.

6.3. The [N ii]/Hα versus [O iii]/Hβ Diagnostic Diagram
and the [N ii]/Hα Ratio

The [N ii]/Hα versus [O iii]/Hβ line ratio diagram is one of
several diagnostic tools commonly used to gain insight into the
physical conditions in galaxies and distinguish between star-
forming galaxies and AGNs (Baldwin et al. 1981; Veilleux &
Osterbrock 1987). In this section, we use the upper limit on
[N ii] and our measurements of the other three lines to place
BX418 on this diagram and our suite of photoionization models
to interpret the results. The diagram is shown in Figure 5, where
the large black circle shows the limit on the position of BX418.
For context, the small gray points show ∼97,000 objects from
the Sloan Digital Sky Survey; the left branch shows the location
of star-forming galaxies, while AGNs extend upward and to the
right. The dotted and dashed lines show empirical and theoretical
divisions between galaxies and AGNs (from Kauffmann et al.
2003 and Kewley et al. 2001, respectively). The open red stars

show other galaxies at z ∼ 2 as discussed by Erb et al. (2006a).
Next we plot the line ratios predicted by the Cloudy models,

using filled circles color-coded by ionization parameter. We
restrict the models shown to the set with Z = 0.2 Z� for clarity;
for higher metallicities, the curves move up and to the right. We
see that the [O iii]/Hβ ratio increases with increasing ionization
parameter (because the fraction of oxygen in the O+2 ionization
state increases with ionization parameter, while the strength of
Hβ depends on the star formation rate). [N ii]/Hα, on the other
hand, decreases with increasing ionization parameter (as the
N+/N+2 ratio decreases with increasing ionization parameter).
Unsurprisingly, the [N ii]/Hα ratio also depends on the nitrogen
to oxygen abundance ratio N/O. While we have no constraints
on N/O in BX418, it is expected that the nitrogen abundance
will be depressed relative to oxygen in young galaxies because N
is produced by intermediate mass stars as well as by the massive
stars that produce O and is therefore released into the ISM more
slowly. This effect has been seen in the lensed z = 2.7 galaxy
MS1512-cB58, in which N is underabundant with respect to
O by a factor of ∼3 (Pettini et al. 2002), as well as in local
galaxies and in damped Lyα systems (Pettini et al. 2008). We
therefore plot curves for several values of N/O in Figure 5.
The rightmost curve uses the default N/O ratio of Cloudy’s H ii

region abundance set; proceeding to the left, each curve further
reduces the abundance of N (for cB58, Pettini et al. 2002 find
log (N/O) = −1.89).

We use this diagram to make several points. First, the [N ii]
flux is likely to be well below our upper limit; we are unlikely
to detect it even with significantly deeper data, especially if
the nitrogen abundance is low with respect to oxygen, as
is likely. We also note that under these extreme conditions
of very high ionization parameter and (possibly) low N/O
ratio, the N2 metallicity calibration would provide a significant
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Figure 5. [N ii]/Hα vs. [O iii]/Hβ diagnostic diagram. BX418 is indicated by
the large black circle and the small gray points show ∼96,000 objects from the
Sloan Digital Sky Survey. Colored points are predictions from photoionization
models, coded by ionization parameter as labeled at lower left. The ionization
parameter increases upward and to the left along the curves. All models shown
have 20% of the solar oxygen abundance and curves are shown for six different
values of N/O, illustrating the effect of decreasing nitrogen abundance on the
[N ii]/Hα ratio. For higher overall oxygen abundances, the curves move up and
to the right. The open red stars show other galaxies at z ∼ 2 from Erb et al.
(2006a); only objects with detections of all four lines are shown. The dotted
and dashed lines show empirical and theoretical divisions between galaxies and
AGNs from Kauffmann et al. (2003) and Kewley et al. (2001), respectively.

(A color version of this figure is available in the online journal.)

underestimate of the oxygen abundance. This is not unexpected,
as the local sample from which the relation is calibrated contains
no galaxies with such an extreme ionization parameter.10

This very low [N ii]/Hα ratio places BX418 far from the
region of the diagram occupied by AGNs, suggesting that
significant AGN contribution to the ionizing flux of BX418
is unlikely. However, most of the AGNs shown in Figure 5
are considerably higher in metallicity than BX418. Groves
et al. (2006) have studied emission line diagnostics in lower
metallicity AGNs, finding that the [N ii]/Hα ratio is much more
metallicity-dependent than [O iii]/Hβ, and that therefore low
metallicity AGNs move to the left on the diagram, with relatively
little vertical shift. Given BX418’s low metallicity and probable
low nitrogen abundance, its position on the diagnostic diagram
alone is not sufficient to rule out the presence of an AGN.
However, as we have argued elsewhere, the lack of strong C iv

emission indicates a radiation field softer than that seen in AGNs
(Section 7), and the nondetection of BX418 in deep 8 and 24 μm
images argues against the presence of an obscured AGN.

Next we observe that the few z ∼ 2 galaxies for which all four
emission lines have been detected lie significantly to the right of
the probable location of BX418 (and from the sequence of local
star-forming galaxies; see Liu et al. 2008 and Brinchmann et al.
2008b). This is true by definition, given our limited sensitivity

10 The R23 diagnostic we use to determine the metallicity in Section 6.1 does
not suffer from the same issue, as it incorporates the ionization parameter; we
have used the best-fitting Cloudy models to verify that the R23 index
reproduces the input metallicity of the models within our uncertainties.

to [N ii], but stacking of spectra shows that most star-forming
z ∼ 2 galaxies have log ([N ii]/Hα) � −1 (Erb et al. 2006a).
This much higher [N ii]/Hα ratio confirms that average z ∼ 2
galaxies (while still having ionization parameters higher than
are seen in typical star-forming galaxies in the local universe)
have a lower ionization parameter and higher metallicity than
BX418, in agreement with other observations (Hainline et al.
2009; Erb et al. 2006a).

7. THE REST-FRAME UV SPECTRUM

Rest-frame UV spectra of galaxies contain a myriad of
features sensitive to dust content, age, galaxy-scale outflows,
metallicity, ionization parameter, and the initial mass function
(e.g., Shapley et al. 2003). BX418 is not unusual among z ∼ 2
galaxies in showing strong Lyα emission and strong absorption
from high-ionization interstellar lines, but it is rare in that the
low-ionization absorption lines are weak or undetected, and in
its extremely strong emission from He ii λ1640, C iii] λλ1907,
1909, and O iii] λλ1661, 1666. The spectrum is shown in full
in Figure 6 and with an expanded vertical scale for detail in
Figure 7.

Before proceeding with detailed discussion of the spectrum,
we ask whether these strong emission lines indicate the presence
of an AGN. We compare BX418’s emission line ratios (see
Table 3) with those of the composite spectrum of 16 narrow-
line AGNs presented by Steidel et al. (2002). These AGNs have
a mean redshift 〈z〉 = 2.67 and were selected in the course of
the z ∼ 3 Lyman break galaxy survey (Steidel et al. 2003). The
composite AGN spectrum shows many of the same emission
lines as BX418, but is notably different in its much stronger
C iv emission. The hard AGN ionizing spectrum is evident in the
ratio C iv/C iii] ∼ 2; in contrast, BX418 has C iv/C iii] ∼ 0.3,
indicative of a significantly softer radiation field. The composite
AGN spectrum also has relatively strong C iv in comparison
with Lyα, with C iv/Lyα ∼ 0.25, while BX418 has C iv/Lyα ∼
0.01. Given the weakness of the C iv emission, which can be
fully accounted for by nebular and P Cygni stellar emission (see
Section 7.4), significant AGN contribution to BX418’s ionizing
flux is unlikely.

7.1. Outflowing Gas

The strongest features in the UV spectrum of a typical high
redshift galaxy—a variety of interstellar absorption lines, and
Lyα emission and/or absorption—reflect the kinematics of
powerful, galaxy-scale outflows of gas (Shapley et al. 2003).
In nearly all such spectra, the interstellar absorption lines are
blueshifted with respect to the systemic redshift of the galaxy,
while Lyα emission (if present) is redshifted. The standard
model invoked to explain this pattern is of a nearly spherical
outflow; the blueshifted absorption lines arise from the gas
approaching the observer, on the near side of the galaxy, while
the resonantly scattered Lyα photons are most likely to escape
the galaxy in the direction of the observer when they are
shifted away from their resonant frequency by scattering off
the receding gas on the far side of the galaxy, resulting in
a redshift. The interstellar absorption lines therefore provide
a reasonably straightforward probe of the kinematics of the
outflowing gas, subject to the uncertainties imposed by limited
spectral resolution and partial covering fraction. Lyα emission
also reflects the kinematics of the outflow, but the complexities
of Lyα radiative transfer make its interpretation much more
difficult. Several recent models explore the connections between
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Figure 6. Rest-frame UV spectrum of Q2343-BX418, shown in full to emphasize the strong Lyα emission. The strongest features are marked with vertical dotted
lines: from left, Lyα emission, the interstellar high-ionization absorption lines Si iv λ1394, Si iv λ1402, and C iv λ1549, He ii λ1640 emission, O iii] λ1663 emission,
and C iii] λ1909 emission. The spectrum is not normalized; note the flatness of the UV slope. Overplotted for comparison (thin red line) is the composite spectrum of
966 galaxies with a mean redshift 〈z〉 = 2.2.

(A color version of this figure is available in the online journal.)

Lyα (and interstellar) line profiles and the kinematics of the gas
(e.g., Verhamme et al. 2006, 2008; Steidel et al. 2010).

7.1.1. Interstellar Absorption

A detailed comparison of the UV spectrum of BX418 and
the composite spectrum of ∼1000 z ∼ 2 galaxies is shown in
Figure 7. The composite spectrum is characterized by strong
low-ionization absorption lines from Si, O, C, Fe, and Al,
originating in outflowing neutral and low-ionization gas as
described above. In BX418, these lines are weak or absent.
We adopt a 3σ threshold for detection of these lines; applying
this threshold, the only low-ionization line with a statistically
significant detection is Si ii λ1527. Other lines that appear to
be weakly present in Figure 7, such as Si ii λ1260, O i + Si ii

λ1303, and C ii λ1334, fall just below this threshold.
In typical galaxies at z ∼ 2–3, the low-ionization lines

are strongly saturated, indicating that the equivalent width is
determined by the velocity range and covering fraction of the
absorbing gas. Although the lines are barely present in BX418,
we can nevertheless obtain interesting constraints by comparing
the two Si ii lines at 1260 and 1527 Å. On the linear, optically
thin part of the curve of growth, the equivalent width of the
line W ∝ Nλ2f , where N is the column density, λ is the
wavelength of the transition, and f is the oscillator strength.
For the two Si ii lines, the oscillator strengths of the blue and
red transitions are 1.18 and 0.133, respectively (Morton 2003),
so that in the optically thin case W (1260)/W (1527) = 6.0. We

measure W0 = −0.7 Å for Si ii λ1527, while the 1260 line is
undetected with a 3σ limit W0 > −0.5 Å. In the optically thin
case we would find W (1260) � −4 Å, strongly ruled out by the
data. We also use the Cloudy models to assess the strength of
any predicted emission from the Si ii lines, finding that such
emission is at most ∼10% of the strength of the observed
absorption, too weak to be detected in the spectrum or affect
the measured line ratios. We therefore conclude that in spite
of their weakness, the low-ionization lines are saturated, as in
other galaxies at z ∼ 2–3.

The spectrum also contains high-ionization absorption lines
from Si iv and C iv. In contrast to the low-ionization lines,
these are as strong or stronger than their counterparts in
the composite spectrum. As with the Si ii lines discussed
above, the Si iv doublet at λλ1393, 1402 Å can be used to
obtain constraints on the optical depth of the absorbing gas.
The oscillator strengths of the members of the doublet (see
Table 4) imply W (1393)/W (1402) = 2.0 in the optically thin
case; the line strengths in the composite spectrum are consistent
with this ratio, as they are in the z ∼ 3 LBG composite studied
by Shapley et al. (2003). In BX418, however, the two Si iv lines
are of approximately equal strength, indicating that the high-
ionization lines are saturated. Although the composite spectra
show that this is not the usual case, BX418 is not the only such
example; the high-ionization lines are also saturated in several
of the lensed galaxies as well, though these objects also have
strong low-ionization lines (Pettini et al. 2000; Quider et al.
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Figure 7. Normalized UV spectrum shown on an expanded vertical scale. We overplot the normalized z ∼ 2 composite in red for comparison. Lines in both spectra
are identified. The features marked “int” at 3859 and 4926 Å are intervening Lyα and C iv absorption from the z = 2.176 foreground galaxy Q2343-BX442, with an
impact parameter of 140 kpc. This system is discussed in Section 7.1.3.

(A color version of this figure is available in the online journal.)

2009; Dessauges-Zavadsky et al. 2010). We have also checked
the predicted strength of nebular emission from the two Si iv

transitions: this emission is expected to be stronger than the
Si ii emission considered above, but for the range of ionization
parameters BX418 requires (log U � −2 to log U ∼ −1),
emission from the two members of the doublet is approximately
equal, leaving the absorption line ratio unaffected.

The equivalent width of a strongly saturated line is determined
by the velocity range and covering fraction of the absorbing
gas; if the line is resolved, the transition describes the covering

fraction of gas as a function of velocity. Given the fairly
low resolution and limited S/N of the BX418 spectrum, it is
difficult to distinguish between these two effects, and detailed
modeling of the kinematics of the outflowing gas is not feasible.
However, the available information suggests that the range of
outflow velocities is typical of z ∼ 2–3 galaxies. The Si iv lines
have a mean blueshift of ∼150 km s−1 and show asymmetric
absorption extending to approximately −700 km s−1 relative
to the systemic velocity defined by the nebular emission lines
(Figure 8, left two panels); both the centroid and range are
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Figure 8. Absorption or emission line profiles as a function of velocity, relative to the systemic velocity defined by Hα and [O iii] λ5007 emission. The two left panels
show the Si iv λλ1393, 1402 lines and the right panel shows Lyα.

Table 4
Interstellar Absorption Lines

Ion λrest
a f b W0

c Δvd

(Å) (Å) (km s−1)

Si ii 1260.4221 1.18 >−0.5 . . .

O i
e 1302.1685 0.04887 >−0.3 . . .

Si ii
e 1304.3702 0.094 >−0.3 . . .

C ii 1334.5323 0.1278 >−0.5 . . .

Si iv 1393.7602 0.5140 −1.1 ± 0.1 −153
Si iv 1402.7729 0.2553 −1.3 ± 0.1 −161
Si ii 1526.7070 0.133 −0.7 ± 0.1 −91
C iv

f 1548.204 0.1908 −5.1 ± 0.2 −583
C iv

f 1550.781 0.09522 −5.1 ± 0.2 −583
Fe ii 1608.4509 0.058 >−0.6 . . .

Al ii
g 1670.7886 1.833 >−0.7 . . .

Notes.
a Vacuum rest wavelength.
b Oscillator strength from Morton (2003).
c Rest-frame equivalent width. Where the lines are undetected, 3σ limits are
given.
d Velocity offset relative to Hα emission.
e Blended.
f Blended; W0 is given for the blend and Δv assumes that the rest wavelength
of the blend is 1549.479 Å.
g Blended with O iii] λ1666 emission.

characteristic of interstellar absorption in z ∼ 2 galaxies (Pettini
et al. 2000; Quider et al. 2009, 2010; Steidel et al. 2010). The
S/N of the low-ionization lines is too low to make a reliable
measurement of the velocity range, but the mean blueshift of the
Si ii λ1527 line is similar to that of the Si iv lines, and the low-
and high-ionization lines typically show similar kinematics.
The Lyα emission line (discussed below) also shows a very
wide range of velocities. This would suggest that the covering
fraction is the primary factor driving the relative strengths of the
low- and high-ionization lines and that the covering fraction of
gas producing the high-ionization lines is significantly higher
than that responsible for the low-ionization lines. Given the
extreme ionization parameter (see Section 7.2), this result is not
surprising.

7.1.2. Lyα Emission

BX418 is a strong Lyα emitter, with rest-frame equivalent
width WLyα = 54 Å. The Lyα line is also unusually broad, with
FWHM ∼850 km s−1 , compared to the average of ∼650 km s−1

seen in z ∼ 2–3 galaxies (Steidel et al. 2010). The reason for the
unusually large line width is clear from the line profile shown
in the right panel of Figure 8: while typical Lyα profiles of
high redshift galaxies are purely redshifted and show a sharp
blue edge, the Lyα emission in BX418 shows a significant

blueshifted component as well. The total range of velocities
spanned by the line is large, ranging from approximately
−800 to +1500 km s−1 . The line centroid is redshifted with
Δv = 300 km s−1 , somewhat lower than the z ∼ 2 average
of ∼450 km s−1 ; this lower than average value is clearly due
to the significant blueshifted emission, rather than to a lower
characteristic outflow velocity.

Given the ubiquitous nature of outflows in high redshift
galaxies, a great deal of energy has been devoted to modeling
the radiative transfer of Lyα photons in an expanding medium.
This is a complex problem and even the simplest models suffer
from significant degeneracies in recovering a unique kinematic
model from a given line profile. Given these degeneracies, and
the fact that our resolution is too low to resolve any detailed
structure that may be present in the profile, we do not attempt
rigorous modeling. Nevertheless, it is interesting to consider
BX418 in the context of these models. According to the work of
Verhamme et al. (2006, 2008), if the outflow is considered to be a
shell with velocity Vexp, the redshifted peak of the Lyα emission
falls at v ∼ 2 × Vexp; this represents emission backscattered off
the far side of the receding shell. There may also be secondary
emission peaks at v ∼ 0 and v � −Vexp, corresponding to
photons escaping from the blue and red wings of the approaching
shell. In a more realistic model with a broad range of outflow
velocities, the emission will span a broader range, with peaks at
the velocities of lowest optical depth. The significant blueshifted
emission in BX418 therefore suggests that the optical depth to
Lyα photons is unusually low in the foreground outflowing
material. This is consistent with our conclusion in Section 7.1.1
above that the covering fraction of neutral gas is low, probably
because a higher than average fraction of the outflow is highly
ionized. The low dust content undoubtedly also contributes to
the apparent ease with which Lyα photons escape the outflowing
gas.

Steidel et al. (2010) have recently applied simple analytic
models to the kinematics of outflowing gas, and are able to
reproduce observed interstellar absorption and Lyα emission
profiles with two gas components, one outflowing and one
at or near the systemic velocity of the galaxy. These results
suggest that the observed line profiles may be more dependent
on bulk gas velocities than on detailed radiative transfer effects.
We have not attempted to use these schematic models to
reproduce the Lyα line profile of BX418 in detail, but the
models do demonstrate that significant blueshifted emission can
be produced if the optical depth in the outflow is sufficiently low.

Although BX418 is a sample of only one, it is interesting to
compare with the results of Verhamme et al. (2008), who model
the Lyα emission in a sample of 11 galaxies at 2.8 < z < 5. They
suggest that the equivalent width and FWHM of Lyα emission
are correlated with the column density of neutral hydrogen NHI
in opposite senses, and that therefore systems with both high
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equivalent width and large FWHM should not be observed. They
note that observed Lyα emitters (LAEs; with WLyα > 20 Å) have
FWHM less than ∼500 km s−1 . BX418 clearly does not follow
this trend. With WLyα = 54 Å, it is well above the threshold to
be selected as an LAE, and yet it has FWHM ∼850 km s−1 . The
Verhamme et al. (2006, 2008) expanding shell models are unable
to fit broad lines with the low column density required to produce
a high equivalent width; however, these models assume unity
covering fraction, which is unlikely to be the case in BX418, and
it is probably the patchy distribution of optically thick gas which
allows significant escape of Lyα photons from the blueshifted
approaching outflow, thus adding to both the equivalent width
and FWHM of the line. This situation is unusual, but BX418
is not the only example; as noted in Section 8.3, galaxies with
significant Lyman continuum emission also show blueshifted
Lyα emission (C. C. Steidel et al. 2010, in preparation). Models
with a more realistic treatment of gas covering fraction may be
more successful in reproducing the observed diversity of Lyα
profiles.

Given this strong Lyα emission and BX418’s low dust
content, we might expect that a large fraction of the Lyα photons
are able to escape the galaxy. We assess this by comparing
the Lyα and Hα fluxes: for case B recombination, we expect
Lyα/Hα = 8.3 (Ferland & Osterbrock 1985). We observe
Lyα/Hα = 3.7, a factor of ∼2 lower than the case B prediction,
or escape fraction fe = 0.4. Verhamme et al. (2008) suggest that
dust extinction is the primary factor in determining fe, finding
that their sample is fit well by

fe = 10−7.71×E(B−V ). (2)

The correlation between dust content and escape fraction is
also seen in local galaxies by Atek et al. (2009), and in a
larger high redshift sample by Kornei et al. (2010), who find
that the data scatter about the Verhamme et al. (2008) model,
with the majority of points having a lower escape fraction than
predicted by Equation (2) (all calculations assume the Calzetti
et al. 2000 extinction law). From this relation and our inferred
E(B − V ) = 0.02 we would predict fe = 0.7, higher than the
observed value; like most of the Kornei et al. (2010) sample,
BX418 falls below the Verhamme et al. (2008) prediction.
However, given the significant uncertainties in E(B − V ), the
predicted fe is within our uncertainties. This comparison also
assumes that Hα and Lyα emission have the same spatial extent,
which may not be the case because Lyα is subject to greater
scattering. Our observed fe is therefore a lower limit, since the
spectroscopic slit may be missing a larger fraction of the Lyα
photons.

7.1.3. Intervening Absorption and the Physical Extent of Outflows

One of the stronger absorption features in the spectrum, with
equivalent width W = 2 Å, falls at 4926 Å (see Figure 7). There
is no intrinsic absorption feature at this wavelength in the rest
frame of BX418, as shown by the composite spectrum.11 We
identify this line, and a corresponding feature at 3859 Å, as
intervening C iv and Lyα absorption from the foreground galaxy
Q2343-BX442, with z = 2.176. BX442, identified in the Hα
survey of Erb et al. (2006c), is separated from BX418 by an
impact parameter of 17′′, or 140 kpc. Other galaxies we find
near BX418 are known or likely to be at lower redshifts, given
their colors and magnitudes.

11 This absorption feature prevents the detection of any possible N iv] λ1487
emission; see Section 7.3.

Absorption systems along the line of sight to background
galaxies and QSOs can be used to assess the spatial extent of
galactic outflows (e.g., Adelberger et al. 2003, 2005; Simcoe
et al. 2006; Steidel et al. 2010). Close pairs of background
QSOs and foreground galaxies are rare but offer high S/N;
galaxy–galaxy pairs are much more common but are more dif-
ficult because of the faintness of the background object. Steidel
et al. (2010) have recently stacked spectra of galaxy–galaxy
pairs as a function of impact parameter, to determine the av-
erage absorption of various transitions with distance; they find
significant absorption in both C iv and Lyα at an impact pa-
rameter of ∼60 kpc, and at ∼100 kpc the average spectrum
still shows clear absorption in Lyα. Individual pairs can show
much stronger absorption; for example, Adelberger et al. (2005)
and Simcoe et al. (2006) identify strong absorption from C iv,
Lyα, O vi and other ions in a QSO spectrum, and associate it
with a massive galaxy at an impact parameter of 115 kpc. With
equivalent width ∼2 Å, the absorption from BX442 is similarly
well above the average value (absorption of this strength would
have been easily detectable in the composite spectra of Steidel
et al. 2010). The sample of individual pairs of galaxies with
detected foreground absorption is still too small to test for any
correlations between the properties of the foreground galax-
ies and the strength of the observed absorption, but we note
that BX442 is among the oldest and most massive galaxies in
the sample, with an estimated age of 2.8 Gyr and stellar mass
M� = 1.1 × 1011 M�; it has therefore had considerable time in
which to drive material to large distances. Given BX442’s large
stellar mass, it probably occupies a dark matter halo more mas-
sive than the z ∼ 2 average, 〈Mhalo〉 = 9 × 1011 M� (Conroy
et al. 2008); for a halo of mass ∼2 × 1012 M�, the virial radius
is rvir � 125 kpc (see calculations by Steidel et al. 2010). Thus,
it appears that BX442 has driven significant quantities of gas to
the virial radius and beyond.

7.2. He ii Emission

One of the most striking differences between the UV spectrum
of BX418 and the average z ∼ 2 galaxy spectrum is BX418’s
strong He ii λ1640 emission, which has equivalent width W0 =
2.7 Å and flux relative to Hβ FHe ii/FHβ ∼ 0.3. The line is shown
in Figure 9, with the z ∼ 2 composite spectrum overplotted for
comparison. Broad He ii λ1640 emission is characteristic of high
redshift galaxies; the weak emission in the composite shown in
Figure 9 has equivalent width W0 ∼ 0.6 Å, and He ii emission
is clearly seen in the composite spectrum of z ∼ 3 Lyman break
galaxies analyzed by Shapley et al. (2003), with W0 = 1.3 ±
0.3 Å (as measured by Brinchmann et al. 2008b) and FWHM
∼ 1500 km s−1 . Because of its broad width, the line is attributed
to the fast, dense stellar winds of Wolf–Rayet (W-R) stars. Broad
He ii emission with W0 = 2.45 ± 0.22 Å is also seen in the
spectrum of the z = 2.7 lensed galaxy known as the 8 o’clock
arc (Dessauges-Zavadsky et al. 2010), and at similar strength in
the spectrum of the lensed z = 3.8 galaxy observed by Cabanac
et al. (2008), an object which otherwise appears similar to cB58.

While the He ii emission in BX418 is clearly broad, it also has
a narrow peak not seen in the composite spectra or in the high
resolution spectrum of the 8 o’clock arc. As shown in the right
panel of Figure 9, the line is well fit by the superposition of two
Gaussian components: a broad line with FWHM ∼1000 km s−1

accounts for ∼75% of the line flux, while a narrow, unresolved
component makes up the remaining ∼25%. Compared to a
single Gaussian, the superposition of these two components
provides a better fit to the line at the 99% confidence level;
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Figure 9. Left: the strong He ii λ1640 emission line (black), compared to the broad and far weaker emission in the composite spectrum of 966 z ∼ 2 galaxies
(red). Right: the line is well fit by a superposition of two Gaussian components (solid red line). The broad component (long-dashed dark blue line) has FWHM
∼ 1000 km s−1 , while the narrow component (short-dashed green line) is unresolved. We attribute the broad emission to W-R stellar winds and the narrow component
to nebular He ii emission.

(A color version of this figure is available in the online journal.)

a single Gaussian underpredicts both the broad wings and the
narrow peak of the line. As with the composite spectra, the
width of the broad component indicates an origin in the winds of
W-R stars, while the narrow component is likely to be nebular
emission. We discuss the stellar and nebular He ii emission
separately below.

7.2.1. Stellar He ii Emission

The strength of the stellar He ii line undoubtedly depends on
the number of W-R stars producing the emission and probably
depends on the type and metallicity of these stars as well.
Because the W-R phase is very short, age and star formation
history are also crucial. There has been considerable recent
work addressing these issues, both locally and at high redshift,
but progress is hampered by the lack of local observations of
individual W-R stars of low metallicity.

Although detailed observations are still needed, current mod-
els indicate that line luminosities of W-R stars decrease with de-
creasing metallicity, due to the reduced density of stellar winds
(Smith et al. 2002; Crowther & Hadfield 2006). Studies of lensed
galaxies and composite spectra are broadly consistent with this
trend, as the only strong stellar He ii emission seen in a lensed
galaxy with a determination of metallicity belongs to the mas-
sive and metal-rich 8 o’clock arc (Dessauges-Zavadsky et al.
2010; metallicity measurements are not available for the galaxy
observed by Cabanac et al. 2008). This emission is also stronger
than that seen in the z ∼ 3 composite spectrum, which probably
has a lower average metallicity.

The precise form of the line scaling with metallicity is
unknown. Brinchmann et al. (2008b) combine models of He ii

λ1640 luminosities with a variety of star formation histories in
an effort to account for the He ii emission seen by Shapley et al.
(2003); they find that while He ii emission peaks a few Myr after
a burst of star formation, even for more extended star formation
histories the line should be detectable with an equivalent width
of 1–2 Å, at metallicities above Z ∼ 0.5 Z�. While this model
may account for the He ii emission seen in the z ∼ 3 and
z ∼ 2 composite spectra and in the 8 o’clock arc, it is more
problematic in the case of BX418, with Z = 0.2 Z�. At
this low metallicity, the He ii emission is never predicted to
exceed W0 ∼ 0.5 Å, even immediately after a burst of star
formation. More recent stellar population synthesis models
which include binary evolution (Eldridge & Stanway 2009)

offer better agreement with our observations, however. These
models so far include only instantaneous bursts rather than more
extended star formation histories, but they find that with binary
evolution taken into account, W-R features are both stronger
and occur at later times. For a metallicity Z = 0.004, close
to the metallicity we find for BX418, their models predict an
equivalent width W0 � 3 Å at an age of ∼10 Myr. The equivalent
width is stronger at lower metallicities because the W-R phase
lasts longer; WNL stars form late, through binary evolution,
and have a longer lifetime at lower metallicities because it
takes longer for the weak stellar winds to remove the stars’
hydrogen envelopes. Thus, the lower metallicity stars make a
greater contribution to the integrated spectrum.

While these models may account for the He ii emission seen
in BX418, the situation remains complicated. Comparison of
BX418 with the z ∼ 2 composite spectrum supports the scenario
in which low metallicity stars make a greater contribution to the
He ii equivalent width. We infer from the z ∼ 2 mass–metallicity
relation that the average metallicity of the galaxies making up
the z ∼ 2 composite is about 0.5 Z� (Erb et al. 2006a), and
the Eldridge & Stanway (2009) models predict significantly
weaker He ii emission at this metallicity. The observations of
lensed galaxies described above suggest the opposite picture,
however, since the only detection of He ii emission is in the most
metal-rich object observed. In addition, the effect of varying
star formation histories still needs to be taken into account; the
instantaneous burst model is certainly not appropriate for typical
galaxies in the z ∼ 2 sample and is probably not the best model
for BX418 either. Even for BX418, it remains to be determined
how much of the He ii line strength is due to metallicity and
how much may be due to observation at a particular brief stage
of evolution. Both additional spectra of low metallicity galaxies
and models of the line strength for a variety of star formation
histories are needed to address this question.

7.2.2. Nebular He ii Emission

Decomposition of the He ii line profile indicates that about
25% of the flux arises from unresolved nebular emission, for
which there is no evidence in the composite spectra at either
z ∼ 2 or z ∼ 3. This is an immediate indication of an unusually
hard ionizing spectrum, with significant numbers of photons
with energies greater than 54.4 eV. Nebular He ii emission is
occasionally observed in local W-R galaxies and appears to
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Figure 10. Predicted nebular He ii emission as a function of metallicity
and ionization parameter from Cloudy photoionization modeling. The colors
represent different metallicities as labeled at upper left, and the shaded region
shows the estimated He ii/Hβ ratio of BX418, including uncertainties. For a
metallicity Z ∼ 0.2 Z�, an ionization parameter log U ∼ −1 is required to
match observations.

(A color version of this figure is available in the online journal.)

occur primarily in lower metallicity systems (Campbell et al.
1986; Garnett et al. 1991; Chandar et al. 2004; Brinchmann
et al. 2008a). Even locally, however, explanations for the source
of the ionizing photons differ. Models of the ionizing fluxes of
W-R stars (Smith et al. 2002) show that flux above 54 eV is a
strong function of metallicity; in the weaker, less dense winds
of metal-poor W-R stars, He++ does not recombine as it does in
a denser wind, and significant flux is emitted at energies above
the He+ edge. The models of Smith et al. (2002) also predict
that nebular He ii emission will be seen only immediately after
an instantaneous burst of star formation; for continuous star
formation, the fraction of sufficiently energetic photons is so
small that nebular He ii emission is not expected to be detectable
at any metallicity. Brinchmann et al. (2008a) also investigate the
origin of nebular He ii emission, using a large sample of galaxies
showing W-R features from the Sloan Digital Sky Survey. Using
timescales derived from Hβ equivalent widths, they argue that
nebular He ii emission arises earlier than would be expected
if its primary source were W-R stars, and that therefore low-
metallicity O stars must produce significant numbers of photons
above 54 eV. At least qualitatively speaking, either of these
explanations can probably account for the nebular emission in
BX418. Its low metallicity should allow the production of He-
ionizing photons from low metallicity stars and the unusual
strength of the stellar He ii emission suggests that we are
observing a strong burst of star formation.

We further investigate the conditions needed to produce
significant nebular He ii emission with photoionization models
from Cloudy. As described in Section 5, we use an input ionizing
spectrum from Starburst99, incorporating the ionizing fluxes of
Smith et al. (2002) and using a metallicity Z = 0.004. We
caution that in interpreting the Cloudy results, it is important
to remember that the model output is only as reliable as the
input, and the input ionizing spectrum above 54.4 eV should be

considered highly uncertain. Smith et al. (2002) note that the
flux above 54.4 eV depends sensitively on the wind density and
on the form of the law used to scale the winds with metallicity;
this scaling law is not known precisely even for O stars, and for
W-R stars it is not known at all. They also point out that the grid
of models excludes the rare, hot W-R stars with weak winds that
have significant ionizing fluxes above 54 eV; these are very rare
in the Galaxy and Large Magellanic Cloud (LMC), but could
be more significant at lower metallicities. It is clear that a more
thorough understanding of the source of these energetic photons
locally is required in order to interpret results at high redshift.

With these cautions in mind, we proceed with the modeling
assuming that 25% of the He ii emission is nebular, for a flux
relative to Hβ of log (FHe ii/FHβ) � −1.1. The Cloudy models
then predict the nebular He ii flux as a function of metallicity
and ionization parameter. The results of the modeling are shown
in Figure 10: the He ii/Hβ ratio increases with both metallicity
and ionization parameter, and for the metallicity of BX418, an
extremely high ionization parameter log U ∼ −1 is required to
account for the observed emission. Interestingly, the increase of
He ii/Hβ with metallicity and ionization parameter is not pri-
marily driven by an increase in He ii luminosity. Rather, at very
high ionization parameters (log U � −2) and in the presence of
dust grains, hydrogen-ionizing photons are selectively depleted
by energy-specific grain opacities peaking near 912 Å, result-
ing in a decreasing Hβ flux with both ionization parameter and
metallicity (Bottorff et al. 1998). The metallicity dependence
arises because higher metallicity models are assumed to also
have more grains. The implications of this effect are discussed
further in Section 8.1; for now, we note that entirely dust-free
models do not successfully reproduce the observed line ratios
of BX418, and that in spite of the inferred low extinction such
models seem unrealistic given the metallicity of ∼1/6 Z� and
the known correlation between metallicity and dust content.
Also recall that log U � −2 is required by the lower limit on
the [O iii]/[O ii] ratio (Section 6.1).

Log U ∼ −1 is much higher than the ionization parameters
inferred for more typical z ∼ 2 galaxies (which are in turn
higher than those inferred for local star-forming galaxies); for
example, Hainline et al. (2009) use the [O iii]/[O ii] ratio of two
lensed and apparently representative z ∼ 2 galaxies to infer
log U ∼ −2.5. While unusual, this high ionization parameter is
not inconsistent with other observations and may be expected
from a compact and energetic ionizing source such as a cluster
of massive, low metallicity stars. We discuss this high ionization
parameter further in Section 8.1 and emphasize in conclusion
that regardless of the uncertainties associated with the input
ionizing spectrum and the photoionization modeling, the fact
remains that the He ii emission seen in BX418 is exceptionally
strong and indicative of an ionizing spectrum that must be
significantly harder than that seen in more typical z ∼ 2–3
galaxies.

7.3. Nebular Emission Lines, Direct Metallicity, and
C/O Abundance

The UV spectrum of BX418 is also notable for its strong
nebular emission from O iii] λλ1661, 1666 Å and C iii] λλ1907,
1909 Å. Inspection of Figure 7 shows that the C iii] emission is
far stronger than that observed in the composite z ∼ 2 spectrum,
while O iii] emission is not present in the composite at all (it is,
however, detected in the z ∼ 3 composite of Shapley et al. 2003
and is noticeably stronger in their subset of galaxies with strong
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Lyα emission; see Section 8.2). We use the Cloudy models to
investigate the conditions under which such strong O iii] and
C iii] emission arises.

The photoionization models show that O iii] emission in-
creases strongly with ionization parameter, and decreases with
metallicity; at Z = 0.5 Z� and log U = −2.5, the combined
strength of the O iii] doublet is roughly ∼5% of the flux of
Hβ, while for Z = 0.2 Z� it reaches the observed flux of
∼25%–30% of Hβ for ionization parameters ranging from
log U ∼ −1.6 to −0.8. This is only partially dependent on
the decrease in Hβ at very high ionization parameters discussed
above; much of the increase in the O iii] flux with ionization pa-
rameter occurs well before the photon depletion effect becomes
significant. This result is consistent with the high ionization pa-
rameter inferred from the He ii emission and accounts for the
lack of O iii] emission in the z ∼ 2 composite as well. We also
note that the detection of the O iii] line is complicated by the
presence of Al ii absorption at 1670 Å; the line is undoubtedly
more easily detected when the low-ionization absorption lines
are weak, as in BX418, or in higher resolution spectra.

The ratio O iii] λλ1661, 1666/[O iii] λ5007 is sensitive to
the electron temperature. Using the calibration of Villar-Martı́n
et al. (2004, see their Figure 1), we find Te � 15,000+500

−700 K, in
agreement with the best-fitting photoionization models, which
also have Te � 15,000 K. This determination of the electron
temperature allows a direct measurement of the metallicity
via the Te method; following Izotov et al. (2006), we find
12 + log(O/H) = 7.8 ± 0.1, in agreement with the R23-derived
metallicity of 12 + log(O/H) = 7.9 ± 0.2 (Section 6.1).

The modeling also shows that C iii] emission is strongly
dependent on both metallicity and ionization parameter, with
the line strength increasing with ionization parameter at all
metallicities, peaking at Z ∼ 0.2 Z�, and decreasing at both
higher and lower metallicities. Thus, BX418 appears to have the
optimal conditions for strong C iii] emission, with an extremely
high ionization parameter and a metallicity that is low but
not too low. Further investigation of the models shows that
the metallicity dependence of C iii] emission is largely a
dependence on the abundance of carbon, which we study in
more detail below.

Other high-ionization nebular emission lines are occasionally
seen in high redshift galaxy spectra. Weak N iv] λ1487 emission
is seen in cB58 (Pettini et al. 2000), but because of the
intervening absorption feature discussed in Section 7.1.3 we
are unable to tell whether or not it is present in BX418. The
Cloudy photoionization models predict weak N iv] emission, at
the level of a few percent of Hβ, depending on the N/O ratio.
We have also checked for the presence of N iii] λ1750 emission,
finding an upper limit of F(N iii]/Hβ) < 0.1. Unfortunately, this
is not sensitive enough to constrain the nitrogen abundance; for
all metallicities and all values of N/O considered, the Cloudy
models predict F(N iii]/Hβ) < 0.1. We discuss the possibility
of nebular C iv emission in Section 7.4.

7.3.1. The C/O Abundance Ratio and the Origin of Carbon

The origin of carbon is a subject of some controversy. It is
produced primarily through He burning via the triple α reaction,
which may occur in both massive (M > 8 M�) and low
to intermediate mass (1 M� < M < 8 M�) stars; however,
there is considerable disagreement over the mass range of the
stars responsible for most carbon production. The C/O ratio is
observed to increase with increasing O/H in both individual
stars and in galaxies and H ii regions. This trend has been

studied by many authors, using a variety of chemical evolution
models and stellar yields. Some find that the data are best
explained by C arising almost exclusively from massive stars, in
which case the trend in C/O versus O/H is due to metallicity-
dependent stellar winds, as mass loss and ISM enrichment
are greater at higher metallicities (Henry et al. 2000). Others
(Chiappini et al. 2003) reach the opposite conclusion, finding
that carbon production is dominated by low to intermediate mass
(1 M� < M < 3 M�) stars and that the C/O versus O/H trend
is therefore an evolutionary effect due to the delayed release of
carbon relative to oxygen (which is produced almost exclusively
by massive stars) in younger and less metal-rich systems. Carigi
et al. (2005) find that massive and low to intermediate mass stars
contribute roughly equal amounts of carbon in the solar vicinity,
while Akerman et al. (2004) find that the metallicity-dependent
mass loss of high mass stars is the primary factor in producing
the C/O versus O/H trend, with some secondary contribution
from delayed C production in lower mass stars.

Measurement of the C/O ratio in a very young starburst can
provide valuable discrimination between these models, since
any time delay in carbon production will be most pronounced at
early times and with high star formation rates. We estimate the
C/O abundance of BX418 via the ratio of O iii] λλ1661, 1666 Å
to C iii] λλ1907, 1909 Å, following the method described by
Garnett et al. (1995) and Shapley et al. (2003), who derive
the C+2/O+2 ionic abundance ratio from the emission-rate
coefficients for collisionally excited emission lines:

C+2

O+2
= 0.15 e−1.1054/t I (C iii] λλ1907, 1909)

I (O iii] λλ1661, 1666)
, (3)

where t = Te/104 K. Note that this expression differs slightly
from that of Garnett et al. (1995), which includes only O iii]
λ1666; we include both members of the O iii] doublet. This
ionic abundance ratio will be equal to the true C/O abundance
only if C and O have the same relative ionization. This may be
approximately true in many circumstances, but is not necessarily
the case. O+ and O+2 have higher ionization potentials than C+

and C+2 (35.1 and 54.9 eV versus 24.4 and 47.9 eV, respectively),
so in regions ionized by a hard ionizing spectrum, as is
apparently the case in BX418, a significant amount of carbon
may be in the form of C+3, and the C+2/O+2 ionic abundance
ratio would then underestimate the true C/O abundance. In order
to correct for this effect it is necessary to apply an ionization
correction factor (ICF) as described by Garnett et al. (1995):

C

O
= C+2

O+2

[
X(C+2)

X(O+2)

]−1

= C+2

O+2
× ICF, (4)

where X(C+2) and X(O+2) are the C+2 and O+2 volume fractions,
respectively.

We use the Cloudy models to examine the ionization states
of C and O, and estimate the ICF as a function of the ionization
parameter. The results are shown in Figure 11. The two left
panels show the ionization fractions of O and C as a function of
the ionization parameter; the difference due to oxygen’s higher
ionization potential is apparent, as for log U � −2, nearly all the
oxygen is in the form of O+2, while the fraction of C+2 declines
at log U > −2, becoming equal to the fraction of C+3 around
log U ∼ −1. We translate these fractions into the ICF in the right
panel of Figure 11. For moderate ionization parameters around
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Figure 11. Ionization states of oxygen (left panel) and carbon (middle panel) as a function of the ionization parameter from the Cloudy models. The right panel shows
the ICF (see Equation (4)) as a function of the ionization parameter. The colors represent metallicities ranging from Z = 0.05 Z� (blue) to Z = 0.5 Z� (red), as
labeled in Figure 10.

(A color version of this figure is available in the online journal.)

log U ∼ −2, the ICF ∼1 (with little dependence on metallicity),
and C+2/O+2 will be a good approximation for C/O. Indeed, in
the sample of dwarf galaxies studied by Garnett et al. (1995),
the range of ICF found is only 1.06–1.33. On the other hand,
with increasing ionization parameter the ICF becomes more
significant and the metallicity dependence increases as well.

There is considerable uncertainty associated with the deriva-
tion of the ICF for BX418. Our primary constraint on the
ionization parameter comes from the He ii flux; this de-
termination of log U relies heavily on the uncertain in-
put ionizing spectrum used by the models, as discussed in
Section 7.2. For Z = 0.2 Z�, the best-fitting models require
approximately log U = −1.0 ± 0.15. The corresponding ICF
is therefore ICF = 1.7 ± 0.2. For the electron temperature we
adopt Te = 15,000+500

−700 K as indicated by the O iii] λλ1661,
1666/[O iii] λ5007 ratio. Including these uncertainties in the
ICF, in Te, and the flux uncertainties in the C iii] and O iii]
lines, we find C/O = 0.24 ± 0.05 and log (C/O) = −0.62+0.08

−0.1 .
This is in agreement with the input C/O ratio of the best-fitting
Cloudy models, all of which have C/O = 0.19.

We show the log (C/O) versus log (O/H) diagram in
Figure 12, using the oxygen abundance determined by the elec-
tron temperature method for consistency with local observa-
tions. BX418 is shown by the large magenta circle and the
remaining symbols show local galaxies as detailed in the cap-
tion. The shaded region shows the range of C/O determined
from the LBG composite spectrum by Shapley et al. (2003),
log (C/O) = −0.68 ± 0.13; there is no reliable O/H measure-
ment for this set of galaxies, and no ionization correction was
applied. Shapley et al. (2003) also found a somewhat lower value
of C/O for their subset of galaxies with strong Lyα emission,
log (C/O) = −0.74 ± 0.14, again with no ionization correc-
tion applied (for comparison, we find log (C+2/O+2) = −0.87
without the ionization correction for BX418).

BX418 shows excellent agreement with the local trend in
C/O versus O/H, in spite of its differences with respect to the
local sample. The local objects it most resembles in abundance
ratios are H ii regions of dwarf emission line galaxies (Garnett
et al. 1995). While a detailed comparison with such objects is
difficult, local H ii galaxies probably have more extended star
formation histories than BX418, extending to at least 1 Gyr
and consisting of short bursts alternating with quiescent periods
(Terlevich et al. 2004; Westera et al. 2004; Pérez-Montero et al.
2010; we assess the possibility of an earlier episode of star
formation in BX418 in Section 4.1 and find that it is a poorer
fit to the observed SEDs than a single stellar population, but
we cannot rule out this possibility entirely). The star formation
activity of these galaxies is also less extreme than that seen

Figure 12. Carbon-to-oxygen ratio vs. the oxygen abundance. BX418 is shown
by the large magenta circle. The other points show values for local galaxies. Blue
triangles are local dwarf irregular galaxies from Garnett et al. (1995, 1997) and
Kobulnicky & Skillman (1998), and the open light and dark purple circles show
local spirals from Garnett et al. (1999), with two different extinction corrections.
The black star shows the default value of the H ii region abundance set used by
Cloudy, corresponding to the Orion nebula; the most recent estimate of this ratio
in Orion is log (C/O) = −0.21 (Esteban et al. 2004). The shaded region shows
the value determined from the z ∼ 3 LBG composite spectrum by Shapley et al.
(2003).

(A color version of this figure is available in the online journal.)

in BX418, as indicated by their lower ionization parameters
(Pérez-Montero & Dı́az 2003; Pérez-Montero et al. 2010). If a
delay in carbon production by low mass stars were the primary
cause of the increase in C/O with O/H, we would likely see a
significantly lower C/O ratio in a very young, extreme starburst.
Furthermore, the best-fit age for BX418, ∼38 Myr, allows only
massive stars with M � 10 M� to have left the main sequence;
an age of 100 Myr allows for carbon enrichment from stars
with M � 6 M�. It is therefore unlikely that carbon production
is dominated by 1 M� < M < 3 M� stars as suggested by
Chiappini et al. (2003). Rather, we concur with Akerman et al.
(2004), who conclude that the apparent universality of the
metallicity dependence of C/O in objects of widely varying star
formation histories is more likely to be due to variable stellar
yields than to evolutionary effects.
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Figure 13. Profiles of the stellar wind lines N v λ1240 (left panel), Si iv λλ1393, 1402 (middle panel), and C iv λλ1548, 1551 (right panel). The spectrum of BX418
is shown in black and the composite spectrum of ∼1000 z ∼ 2 galaxies is shown in red for comparison.

(A color version of this figure is available in the online journal.)

7.4. Stellar Wind Lines

The most prominent stellar features in UV spectra of high
redshift galaxies are generally the wind lines from massive stars;
the high-ionization lines of N v λ1240, Si iv λλ1394, 1402, and
C iv λλ1548, 1551 show distinctive P Cygni profiles indicative
of stars with masses of at least 30 M� (Leitherer et al. 1995).
These lines depend sensitively on the properties of the massive
stellar population, so in principle they may provide a great
deal of information. In practice, however, their interpretation is
difficult. The strength of these features depends on metallicity,
the age of the starburst, the slope and upper mass cutoff of
the IMF, and possibly on time-dependent dust extinction as
well (Leitherer et al. 2002). The lines themselves are complex
blends of stellar wind and photospheric features and interstellar
absorption; nebular emission may also contribute to the line
profiles. The situation is further hampered by our lack of detailed
understanding of the scaling of stellar winds with metallicity
and the limited number of observations of massive stars at
low metallicities. Given these substantial uncertainties, and
the relatively low resolution of the spectrum which precludes
accurate separation of the stellar and interstellar lines, we cannot
draw robust conclusions from the stellar wind features in the UV
spectrum of BX418. Nevertheless these lines show intriguing
differences from typical high redshift galaxy spectra, as we
show below.

Figure 13 shows the N v λ1240, Si iv λλ1394, 1402, and
C iv λλ1548, 1551 lines in the spectrum of BX418, with the
composite spectrum of ∼1000 z ∼ 2 galaxies overplotted
(in red) for comparison. For all three lines, the most notable
difference between BX418 and the composite spectrum is the
strength of P Cygni emission, which is stronger in BX418 in
each case (the emission occurs at 1244, 1405, and 1553 Å in the
N v, Si iv, and C iv lines, respectively). The broad, blueshifted
absorption, most apparent in N v and C iv, is very similar in
BX418 and the composite (the differences in the narrower
interstellar absorption lines of Si iv and C iv are discussed in
Section 7.1.1).

Broadly speaking, the behavior of these lines with varying
stellar population properties is understood: the P Cygni emission
is strongest in a young stellar population of 3–5 Myr and
stabilizes by ∼20 Myr, increases with any variation of the
IMF that increases the number of massive stars (a flatter
slope or higher upper mass cutoff), and decreases at lower
metallicities. The strength of absorption depends primarily
on the density of the stellar wind and therefore on the mass
loss rate. Mass loss rates are lower at lower metallicities and
thus the absorption troughs are weaker at lower metallicities.
The absorption profiles also show a mild age dependence,

particularly in the case of C iv, with stronger absorption in
younger starbursts. However, significant work remains to be
done in quantifying these dependences and in creating a wide
range of models for comparison with observation. The flexible
Starburst99 models (Leitherer et al. 1999) allow the creation
of synthetic UV spectra with a variety of ages and IMFs, but
include only two metallicities, solar and the average LMC/SMC
metallicity of Z ∼ 0.4 Z�. More recently, Rix et al. (2004)
combined Starburst99 with the model atmosphere code WM-
BASIC to create a suite of synthetic spectra covering a wider
range of metallicities; however, this work was focused primarily
on the stellar photospheric lines and the authors caution that a
more detailed study of the wind lines is still needed. Because
of the focus on photospheric lines, processes such as shock
emission that affect only the high-ionization wind lines were not
included in the models. These limitations have been addressed
to some extent in the latest generation of the WM-BASIC code
(Leitherer et al. 2010). However, the wind line profiles generated
by running Starburst99 with this latest version of WM-BASIC
do not differ appreciably from those used in this work, and none
of the discussion below is altered by the use of these latest
models.

We compare the profiles of BX418’s stellar wind lines with
various models in Figure 14. The top three rows are Starburst99
LMC/SMC metallicity models with Z ∼ 0.4 Z�; this is a factor
of ∼2 higher than the metallicity of BX418, and these models
may be expected to have stronger emission and absorption than
comparable models of lower metallicity. Nevertheless they are
illustrative of the behavior of the wind lines with variations in
age and IMF. The top panels of Figure 14 (dark red lines) show
the standard model which has been shown previously to give
generally good agreement with high redshift galaxy spectra;
this model has a Salpeter slope and an upper mass cutoff of
100 M�, and an age of 50 Myr (other studies have assumed
an age of 100 Myr; there is almost no difference between the
two models). The second set of panels (blue lines) shows a
model with the same IMF but a younger age of 5 Myr and the
third row (green lines) shows a 50 Myr old spectrum with a
flatter slope of α = 1.4, resulting in more massive stars. The
primary effect of these two variations is to strongly increase
the predicted emission. The bottom row shows an interpolation
between the Z = 0.05 Z� and Z = 0.2 Z� models of Rix
et al. (2004), to create a Z ∼ 0.1 Z� model in which the depth
of the broad C iv absorption profile approximately matches
observations. Note that this model predicts no emission, except
in the N v line. As we discuss further below, none of the models
considered simultaneously match the strengths of the absorption
and emission components of the P Cygni features.
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Figure 14. Comparison of the profiles of the wind lines N v λ1240 (left panels), Si iv λλ1393, 1402 (middle panels), and C iv λλ1548, 1551 (right panels) with
synthetic spectra. The top three rows are continuous star formation Starburst99 models using the composite LMC/SMC metallicity of Z ∼ 0.4 Z�. The top row (dark
red model) shows a 50 Myr old starburst and an IMF with Salpeter slope and upper mass cutoff of 100 M�. The second row (blue) shows a 5 Myr old starburst and an
IMF with Salpeter slope and upper mass cutoff of 100 M�, and the third row (green) shows a 50 Myr old starburst with a flatter IMF slope of α = 1.4. The bottom
row (orange) shows a model from Rix et al. (2004) with Z ∼ 0.1 Z�, an age of 50 Myr, and a Salpeter IMF; this model was chosen to match the depth of the broad
absorption in the C iv profile. The spectrum of BX418 is shown in black in all panels.

(A color version of this figure is available in the online journal.)

As noted above and shown in Figure 13, the depth of
absorption is almost identical in BX418 and in the z ∼ 2
composite spectrum; this is surprising given that the latter almost
certainly has a significantly higher average metallicity. The
absorption profiles do also depend on age, but models indicate
that the strength of the absorption is much more sensitive to
metallicity than to age. It is possible that differences in the
average age of the stellar populations cancel out the differences
in metallicity to create nearly identical absorption profiles, but
this would be a surprising coincidence. More likely, the fact
that the Z ∼ 0.1 Z� Rix et al. (2004) model matches the
composite spectrum as well as BX418 is an indication that our
understanding of the age and metallicity dependence of these
lines remains incomplete.

The Z ∼ 0.1 Z� model matching the depth of the P Cygni
absorption predicts no emission in either the C iv or Si iv

lines, clearly at odds with observations. Standard models with
a Salpeter slope and an age of at least 50 Myr also underpredict
the emission component of the lines. Models matching the
strong emission require either a very young age (Figure 14,
blue model in second row), or an IMF with more massive
stars (green model, third row; note that both of these models
overestimate the metallicity of BX418, so even more extreme
variations may be required to match the observed emission).
As discussed in Section 7.2, a young burst superimposed on

a somewhat older population may be required to produce the
strong stellar He ii emission; therefore, a young age such as that
seen in the second row of Figure 14 may not be unreasonable.
Perhaps the simplest explanation, however, and the one most
likely to account for both the absorption and emission, is that
the C iv and Si iv emission is at least in part nebular. The best-
fitting Cloudy models predict C iv emission at the level of ∼8%
of Hβ and ∼15% of C iii] (see also Leitherer et al. 2002). This is
consistent with observations, although we may expect nebular
emission to be difficult to detect when superimposed over the
strong interstellar and stellar absorption; on the other hand,
as resonance lines, these transitions are subject to multiple
scatterings, and like Lyα, they may be most likely to escape
the galaxy when they are redshifted away from their resonant
wavelength. This would effectively mimic the stellar P Cygni
emission profile. No nebular N v emission is predicted by the
models, but the Rix et al. (2004) models predict stellar N v

emission even at metallicities when there is none from C iv or
Si iv.

Finally, we note that the failure of models to reproduce all of
the features of the wind line profiles is not unique to BX418.
Most previous studies of UV spectra of high redshift galaxies
have noted either an overprediction of the absorption (Pettini
et al. 2000; Shapley et al. 2003) or an underprediction of the
emission (Quider et al. 2009). Metallicity effects and nebular
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emission have been invoked to account for the discrepancies.
Future observations of massive stars over a wide range of
metallicities and improved models of stellar winds across this
metallicity range will shed further light on the interpretation of
these complex features.

7.5. Fine Structure Emission Lines

One of the puzzles of the z ∼ 3 LBG composite spectrum
studied by Shapley et al. (2003) was the relatively strong
emission from the excited fine structure lines Si ii*, at 1265,
1309, and 1533 Å. These lines are clearly visible in the spectrum
of BX418 and in the z ∼ 2 composite; both spectra are shown
in Figure 7, where the lines are marked. BX418 also shows
significant emission from C ii* λ1335, which Shapley et al.
(2003) did not detect, probably because of strong C ii λ1334
absorption. Similarly, we see strong C ii λ1334 absorption in
the z ∼ 2 composite, but no C ii* emission. Presumably the
weakness of the low-ionization interstellar absorption lines in
BX418 allows its detection here. These lines are not detected
in the UV spectra of local starbursts, as discussed by Shapley
et al. (2003) and shown more recently by Schwartz et al. (2006;
see their Figure 13, which shows a clear comparison with the
LBG composite spectrum). Although the lines are weak, they
are marginally stronger in BX418 than in the composite; this
may be due to the stronger absorption in the composite, or
it may suggest that the processes that give rise to these lines
in high redshift but not local starbursts are even stronger in
BX418.

Shapley et al. (2003) attempted to reproduce these lines
with Cloudy photoionization models but were unable to do
so, finding that all models which satisfactorily reproduced
other observed lines underpredicted these lines by at least an
order of magnitude. They concluded from this result that the
lines are unlikely to originate in photoionized H ii regions.
We also attempt to use our Cloudy models to reproduce these
lines, but similarly find that none of the models considered
(whether they match the other properties of BX418 or not)
come close to the observed line strengths. Even assuming that
all of the emission from the Si ii and C ii multiplets arises at
the excited fine structure wavelength, models which reproduce
other observations underpredict the fine structure emission by
factors of 5–10 depending on the line. We conclude that if these
lines do arise from the H ii regions, either we are not modeling
the regions correctly or some factor affecting these lines is not
treated accurately by the models.

The relative velocity of the lines may offer additional clues
to their origin. In the z ∼ 3 composite, these lines are redshifted
by ∼100 km s−1 , though they may be biased to the red by
absorption on the blue side of the lines. The Si ii* λ1265,
λ1309 and C ii* λ1335 lines are also detected in the higher
resolution spectrum of the lensed galaxy cB58, where they
are again redshifted by ∼200 km s−1 (Pettini et al. 2000).
The lines are consistently redshifted in BX418 as well, by
∼200 km s−1 , and in this case the weakness of the absorption
makes significant biasing of the line centers less likely. This
consistent redshift suggests an origin in the outflowing gas,
perhaps through resonant scattering of photons originating in
the H ii regions (though, as noted above, the predicted emission
from H ii regions is not strong enough). Shapley et al. (2003)
also considered the possibility of the lines arising in the outflow,
but concluded that this explanation is not fully satisfactory
because of the narrowness of the lines. The outflowing gas
is apparently optically thin in these transitions, and therefore

the lines should span the full range of velocities in the outflow,
∼1000 km s−1 or more. Instead they are quite narrow. Similar
arguments apply to BX418, where the Lyα emission spans
a range of over 2000 km s−1 , but the fine structure lines are
unresolved. However, it is also possible that the line strength
varies as a function of velocity, and limited S/N prevents us
from detecting emission except where it is strongest. The origin
of these lines remains a puzzle.

8. DISCUSSION

8.1. Ionization Parameter

A very high ionization parameter of log U ∼ −1 is suggestive
of large numbers of massive, low-metallicity stars forming in
a small volume, in a configuration that must be considerably
more extreme than anything observed locally. The source of the
ionizing photons is unlikely to be an AGN, as indicated by the
low C iv/C iii] ratio and the nondetection of BX418 in deep 8
and 24 μm images.

The factors controlling the ionization parameter of an H ii

region are discussed in detail by Dopita et al. (2006). The
ionization parameter increases significantly with decreasing
metallicity because of the harder ionizing spectra and weaker
winds of low metallicity stars. It also increases as the density
of the H ii region increases relative to that of the surrounding
medium, and has a weak inverse coupling with the pressure of
the surrounding medium, and a weak positive coupling with
the mass of the star cluster. Dopita et al. (2006) model the
probability distributions of ionization parameters in local H ii

regions, finding a maximum value nearly an order of magnitude
lower than the log U ∼ −1 we infer for BX418. Similarly,
Kewley et al. (2001) model the metallicities and ionization
parameters of starburst galaxies, and consider a maximum value
of log U = −2. Förster Schreiber et al. (2001) have estimated
the ionization parameter in the star-forming regions of the
starburst galaxy M82, finding log U ≈ −2.3 on spatial scales
of tens to hundreds of kpc.

Although measurements of the emission lines needed to
determine the ionization parameter are few at high redshift,
the values inferred similarly do not approach that of BX418,
although they are higher than the ionization parameters of local
galaxies of similar metallicities (Pettini et al. 2001; Maiolino
et al. 2008; Hainline et al. 2009). There is an exception, however,
in the unusual emission line spectrum of the gravitationally
lensed Lynx arc at z = 3.36 (Fosbury et al. 2003; Villar-Martı́n
et al. 2004). This object shows strong, narrow high-ionization
emission lines in the UV spectrum, including all of the lines
observed in emission in BX418 and several others as well.
Unlike BX418 it shows little to no continuum, so the interstellar
absorption features we observe are not present. It is interpreted
as a low mass H ii galaxy undergoing a very young burst of
low metallicity star formation, with an ionization parameter
log U ∼ −1. Some of the line ratios are unlike those of BX418,
however; in particular, C iv emission in the Lynx arc is 3.7 times
that of Hβ (though this relies on a significant absorption
correction), whereas we observe <10% of Hβ at most. The
spectrum of BX418 appears to be intermediate between that of
the Lynx arc and more typical high redshift galaxies.

The difference in ionization parameter between BX418 and
that of more typical objects is more likely to be due to ge-
ometry than metallicity, since local galaxies with metallici-
ties even lower than BX418 do not have ionization parameters
nearly as high. We clearly have no data capable of constrain-
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ing the geometry of star formation in BX418, so any conclu-
sions we draw must be purely speculative. Given the scalings of
the factors contributing to the ionization parameter, however,
the most likely scenario may be one in which the galaxy’s mas-
sive stars are both numerous and densely packed enough that
the galaxy is essentially a single large H ii region with an ex-
tremely intense radiation field. The integrated spectra of more
typical galaxies at z ∼ 2 would then represent the superposition
of individual H ii regions, with properties closer to those of the
regions modeled locally. Clearly both additional data and addi-
tional modeling are needed to confirm or refute such a scenario.

A potentially important implication of the extreme ionization
parameter was raised in Section 7.2. The Cloudy photoionization
models indicate that at very high ionization parameters and
in the presence of dust grains, hydrogen-ionizing photons are
selectively depleted by energy-specific grain opacities peaking
near 912 Å, resulting in a decreasing flux in the hydrogen
recombination lines with both increasing ionization parameter
and increasing metallicity, assuming that galaxies with higher
metallicities also have higher dust content (Bottorff et al. 1998).
Modeling suggests that the effect begins to be significant at log
U ∼ −2, the minimum ionization parameter required by our
measurements of C iii] and [O iii]/[O ii] (these constraints do
not depend on the decreasing flux of Hβ, unlike that obtained
from He ii). The magnitude of the effect depends on both the
amount and the size distribution of the dust grains, about which
we know very little. We have not corrected the observed line
ratios for extinction, given the low value of E(B − V ); any
correction applied would increase the fluxes of the UV lines
relative to Hβ, thereby requiring an ionization parameter even
higher than that which we infer already. We have, however,
allowed grains to be included in the photoionization models
(Cloudy includes Orion nebula grains as part of the H ii region
abundance set, and we have reduced them by varying factors
to account for the low dust content of BX418). We have not
attempted to use the models to constrain the dust properties
of BX418, given the strong dependence on geometry, but we
cannot reproduce the observed line ratios with entirely dust-
free models. Such a situation is unlikely given the metallicity
of ∼1/6 Z� and the known correlation between metallicity and
dust content.

For the grains included in the models, the hydrogen recombi-
nation line flux is reduced by a factor of ∼2 at log U ∼ −1. Such
a reduction, while highly uncertain, would have significant im-
plications. Most obviously, the true star formation rate would be
a factor of ∼2 higher than the value we have inferred from Hα,
and thus a factor of ∼3 higher than the SFR obtained from the
UV continuum. This is marginally inconsistent but not impos-
sible; dust allowed by both the SED modeling and the Hα/Hβ
ratio combined with a still rising UV continuum flux due to a
young age could produce such observed SFRs, especially when
combined with the systematic and observational uncertainties.
The generally good agreement of SFRs derived from Hα with
those derived from all other available diagnostics (Erb et al.
2006b; Reddy et al. 2010) indicates that this effect cannot be
widespread at z ∼ 2, and indeed we do not expect it to be, given
that typical z ∼ 2 galaxies appear to have significantly lower
ionization parameters. For BX418, more precise determinations
of the star formation rate from a variety of indicators are needed
to determine the magnitude of this effect.

The reduction in Hα and Hβ flux would also affect any
metallicity indicators employing those lines. In the case of the
R23 indicator used here (which takes ionization parameter into

account) the Cloudy models suggest that the effect is mild, since
the input metallicity of the best-fitting models is in reasonable
agreement with the R23 metallicity calculated from the predicted
line ratios of those models.

It is primarily the nebular He ii emission which requires an
ionization parameter as high as log U ∼ −1. This is uncertain;
not only is the He ii/Hβ ratio dependent on the diminution of
the Hβ flux by grains, which are extremely difficult to constrain,
the detection of nebular emission relies on deconvolution
with the broader stellar emission. As described in Section 7.2,
the two-component fit we have adopted provides a better fit to the
line at the 99% confidence level compared to a single, broad line,
and it is obviously different in shape from purely stellar He ii

emission of similar strength (Dessauges-Zavadsky et al. 2010).
Nevertheless we cannot rule out the possibility that the emission
is purely stellar, with an unusual profile. However, even if the
He ii emission is stellar, there is significant additional evidence
for an ionization parameter nearly as high: the lower limit on the
[O iii]/[O ii] ratio indicates log U � −2, as does the strength
of the C iii] emission, while the strong O iii] emission indicates
log U � −1.6, with only mild dependence on the diminution of
Hβ. We therefore consider the high ionization parameter to be a
robust result, subject to the (not inconsiderable) uncertainties
of the input ionizing spectrum used for the photoionization
modeling.

8.2. Comparisons with Other Galaxies at z ∼2–3

We have shown through comparison with the composite
spectrum of ∼1000 z ∼ 2 galaxies that BX418 is quite different
from typical galaxies at this redshift. We have also constructed
a composite spectrum of the youngest galaxies in the z ∼ 2
sample for comparison; this spectrum is generally quite similar
to the composite of the full z ∼ 2 sample, and the distinctive
features of BX418 are not appreciably stronger in the young
subset of z ∼ 2 galaxies, suggesting that age alone is not
enough to account for BX418’s uniqueness. A full study of
the variation of the spectra of z ∼ 2 galaxies as a function
of stellar population properties or particular spectral features is
beyond the scope of this paper and will be presented elsewhere.
However, it may be instructive to compare BX418 with the
composite spectra of z ∼ 3 Lyman break galaxies. Shapley
et al. (2003) divided the z ∼ 3 sample into quartiles based
on the strength of Lyα emission, and found that, compared
to the subset of galaxies with the strongest absorption, the
strongest Lyα emitters have bluer UV slopes, weaker low-
ionization absorption lines, slightly stronger He ii emission,
stronger emission from O iii], and stronger emission in the C iv

stellar wind line. These are all characteristics of BX418 (though
the He ii emission of BX418 is much stronger than that seen in
any of the z ∼ 3 composites), suggesting that BX418 lies at the
extreme end of a continuum of galaxy properties that may be
parameterized by the strength of Lyα emission.

Much has been written about the relationship of Lyα emission
to other galaxy properties and much remains to be understood,
but perhaps the most reliable conclusion is that stronger Lyα
emission is associated with lower dust content (e.g., Verhamme
et al. 2008; Kornei et al. 2010, and references therein), and
perhaps more specifically with dust geometry. Kornei et al.
(2010) find that strong Lyα emission is more common in older
galaxies at z ∼ 3and propose that this is because supernova-
driven outflows have cleared out channels through which the
Lyα photons can escape in the older galaxies.
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Other recent results are suggestive of the importance of dust
geometry as well. Reddy et al. (2010) have recently investigated
the dust properties of galaxies at z ∼ 2, using MIPS 24 μm
imaging; they find that while galaxies with young best-fit ages
have redder UV continuum slopes, this does not necessarily
mean that they are dustier. Rather, they appear to have less
dust than their UV slopes would imply, and are therefore better
described by a steeper extinction law than more typical galaxies
at z ∼ 2 (BX418 has a bluer slope than most of these galaxies,
and is inferred to have little dust content no matter which
extinction law is applied). The reasons for this are not fully
understood; younger galaxies may have a larger dust covering
fraction, more consistent with a foreground screen, or the size
distribution of dust grains may be different in younger objects.
BX418 is both young and blue, and we have inferred a low
covering fraction of neutral gas and dust; this may explain at
least some of its differences from more typical young galaxies.
While much remains to be clarified regarding the processes
contributing to all of the features we have observed in BX418,
it does seem clear that the covering fraction of gas and dust
is a major factor in modulating the emergent UV spectrum of
galaxies at high redshifts.

8.3. Implications for Higher Redshifts

We have suggested that because of its low mass, young
age, low metallicity, and low dust content, BX418 is likely
to be similar to many of the galaxies now being discovered
at 5 � z � 8. Detailed observations from future ground- and
space-based facilities are needed to confirm this claim, but if
true the implications for high redshift galaxy formation and
reionization may be significant. The Lyα profile of BX418
shows substantial blueshifted emission, which is a signature
of z ∼ 3 galaxies with a significant Ly continuum escape
fraction (C. C. Steidel et al. 2010, in preparation). If BX418
is indeed similar to typical galaxies at higher redshifts, the
implication is that the escape fraction may significantly increase
with increasing redshift, as already shown between z ∼ 1 and
z ∼ 3 (Siana et al. 2010) and predicted at higher redshifts (Wise
& Cen 2009; Razoumov & Sommer-Larsen 2010).

The detection of strong Lyα and He ii λ1640 emission in a
high redshift object is suggestive of the presence of extremely
low metallicity Population III stars, as discussed in detail by
Jimenez & Haiman (2006), and by Fosbury et al. (2003) in
the context of the Lynx arc. Given the many metal lines, our
measured abundance of ∼ 1

6 Z�, and the fact that we are able
to reproduce the observed line ratios with a normal stellar
population, we do not believe that this scenario applies to
BX418. Indeed, models of Population III stars predict much
higher He ii equivalent widths of at least 5 � WHe ii � 80 Å, and
Lyα equivalent widths of several hundred Å as well (Schaerer
2003).

It is also worth noting that after Lyα, the strongest emission
line in the rest-frame UV spectrum of BX418 is not He ii

but C iii] λ1909. This line is observable from the ground to
z ∼ 10 and even beyond, and therefore future spectroscopic
searches for galaxies at very high redshift may wish to target
this line for unambiguous redshift confirmation. Finally, study
of BX418 may provide insight into the issue of correction of
broadband magnitudes to account for nebular line emission; we
find that Hα emission contributes 0.4±0.1 mag to the observed
K-band magnitude, while combined [O iii] λλ4959, 5007 and
Hβ emission account for 0.45 ± 0.4 mag in the H band. Such
corrections are important to consider when modeling the stellar

populations of z ∼ 7–8 galaxies, for which [O iii] λλ4959, 5007
and Hβ fall in the Spitzer IRAC bands (e.g., Labbé et al. 2010).
Given the wider bandpasses of the IRAC bands, however, the
correction for a similar galaxy at z ∼ 7–8 would not be as large
as those we find for the H and K bands.

8.4. Remaining Questions and Further Work

Perhaps the most important question we are unable to address
with current observations is how many of the unusual spectral
properties of BX418 are characteristic of galaxies with similar
colors and metallicities, and how many are due to a very short-
lived phase in its evolution. A larger sample of high quality
observations of young, blue galaxies is needed to address this
question, although this is a daunting prospect given their rarity
and the substantial observing time required to obtain a spectrum
of the S/N presented here.

Local observations and improved modeling will also help to
address this question. The expected strength of He ii emission
from W-R stars as a function of metallicity and age is still
not well known, and it is primarily the strong stellar He ii

emission that suggests that we may be observing BX418 at an
unusual phase in its evolution. Similarly, the age and metallicity
dependence of the P Cygni emission and absorption lines from
massive stars is not well known; an improved understanding of
these lines will be of great benefit to high redshift work, since
they are among the stronger features in most spectra of distant
galaxies.

9. SUMMARY

We have presented the analysis of the rest-frame UV and
optical spectra of Q2343-BX418, a young (<100 Myr), low-
mass (M� ∼ 109 M�), low-metallicity (Z ∼ 1/6 Z�), and
unreddened (E(B−V ) � 0.02, UV continuum slope β = −2.1)
galaxy at z = 2.3. In spite of its low mass, BX418 is an L∗ galaxy
at z ∼ 2, with a very low mass-to-light ratio (M/L)B = 0.03.
Our primary conclusions are as follows.

1. Using ratios of the strong optical emission lines, we mea-
sure an oxygen abundance of 12 + log(O/H) = 7.9 ± 0.2,
or Z ∼ 1/6 Z�. We measure lower limits on the ratio
of [O iii]/[O ii], indicating a high ionization parameter,
and of [N ii]/Hα, indicating a low metallicity. We also
determine the metallicity via the direct, electron temper-
ature method, using the ratio O iii] λλ1661, 1666/[O iii]
λ5007 to determine the electron temperature and finding
12 + log(O/H) = 7.8 ± 0.1.

2. The source of ionization in BX418 is unlikely to be an AGN.
The C iv/C iii] ratio is significantly lower than that seen in
AGNs, indicating a softer radiation field, and BX418 is
undetected in deep imaging at 8 and 24 μm, with a 24 μm
upper limit well below the luminosities seen in most AGNs
of comparable redshifts and optical magnitudes.

3. The rest-frame UV spectrum contains strong high-
ionization interstellar absorption lines from outflowing gas,
while the low-ionization lines are extremely weak. We com-
pare the equivalent widths and velocity profiles of the in-
terstellar lines, and conclude that the covering fraction of
high-ionization gas is significantly higher than that of the
low-ionization gas, and thus that a larger than average frac-
tion of the outflow is highly ionized.

4. The Lyα emission line (with rest-frame WLyα = 54 Å)
is extremely broad, with FWHM ∼ 850 km s−1 , and
shows significant blueshifted emission as well as the usual
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asymmetric redshifted profile. This is likely due to a low
optical depth in the outflowing gas, which allows substantial
escape of Lyα photons from the approaching gas on the
near side of the galaxy. From the Lyα/Hα ratio we find a
Lyα escape fraction fe = 0.4, assuming that Lyα and Hα
have the same spatial distribution. The true escape fraction
may be higher than this, if Lyα emission is more extended
because of scattering.

5. The UV spectrum contains strong He ii λ1640 emission,
which is well fit by the superposition of a broad stellar com-
ponent and unresolved nebular emission. Photoionization
modeling indicates that the nebular emission requires a very
high ionization parameter log U ∼ −1. The strong stellar
emission may require the presence of significant numbers
of very young W-R stars.

6. Strong nebular emission from C iii] λλ1907, 1909 and O iii]
λλ1661, 1666 is also present, and requires Z ∼ 0.2 Z� and
log U � −1.6. We use the C iii]/O iii] ratio to estimate the
C/O abundance ratio, finding that it is consistent with the
trend in C/O versus O/H observed locally. Given BX418’s
young age and extreme star formation, this implies that the
trend of increasing C/O with O/H is more likely to be due
to metallicity-dependent stellar yields than to time delay
effects, and that carbon production is not dominated by low
mass stars.

7. We observe strong P Cygni emission from the stellar wind
lines C iv and Si iv, but are unable to reproduce both the
emission and the absorption profiles with models. The
strong emission requires a significant contribution from
nebular emission, a stellar population age of only ∼5 Myr,
or a top-heavy initial mass function, while the absorption
suggests a low metallicity of Z ∼ 0.1 Z�. However, the
similarity of the absorption profile to that of the higher
metallicity composite spectrum of z ∼ 2 galaxies suggests
that our understanding of this feature is incomplete.

The properties of BX418 are broadly similar to those inferred
for the young, low-mass galaxies now being discovered at much
higher redshifts, and therefore its detailed spectral properties
may shed light on the likely physical conditions in these higher
redshift objects, well before facilities are available to measure
them directly. Important questions remain, however, that can be
addressed by observations both locally and at z ∼ 2. A larger
sample of high quality spectra of young, very blue galaxies
at z ∼ 2 is required in order to assess how many of BX418’s
unusual features are due to a short-lived evolutionary phase, and
improved data and models of massive stars at low metallicity in
the local universe are needed to aid in the interpretation of these
spectra.
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